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Abstract
X-rays from Magnetic B-type Stars
by Corinne Fletcher
Thesis Advisor: Saida Caballero-Nieves, Ph.D.
External Thesis Advisor: Véronique Petit, Ph.D.

Recent surveys have found that ∼10% of massive stars host strong, mostly dipolar
magnetic fields with strengths on the order of a kilogauss. The prominent idea describing the interaction between the stellar winds and the magnetic field is the magnetically
confined wind shock (MCWS) model. In this model, the ionized wind material is forced
to move along the closed magnetic field loops and collides at the magnetic equator,
creating a shock (∆v ∼ 500 − 800 km s−1 ). As the shocked material cools radiatively, it
will emit X-rays. Therefore, X-ray spectroscopy is a key tool in detecting and probing
the wind material confined by the magnetic fields of these stars. Some of these magnetic
B-type stars are found to have very short rotational periods. The effects of the rapid
rotation on the X-ray production within the magnetosphere have yet to be explored in
detail. A comparison between the observed and predicted X-ray luminosities was previously performed and lead to a determination of a group of stars with higher observed
X-ray luminosity than predicted. This region was comprised of mostly rapid rotators
and one slow rotator with a complex field. To address the issue of this overluminous region, I add new X-ray observations of rapidly rotating B-type stars, implement updated
stellar and magnetic parameters, and adjust the theoretical models for a geometrically
appropriate shock retreat. These adjustments affect the entire sample of known magnetic B-type stars. Furthermore, I focus on the theoretical model, developed for slow
rotators, by implementing a more appropriate efficiency scheme and the physics of rapid
rotation. Addressing the one slow rotator in the overluminous group with a complex
iii

field geometry, I examine how the assumption of a dipolar magnetic field affects the
predicted X-ray luminosity of a complex field geometry. I then use an arbitrary field
adaptation to theoretical models to determine the shock and post-shock parameters
of complex field loops. The subsequent predicted X-ray luminosity is calculated and
compared with those determined by the previous models. The possibility of absorption
from the cool, dense gas within the magnetosphere was shown to be minor in this case.
Modifying analytical models for rapid rotation and complex field geometries is a vital
step in furthering models and providing constraints for evolutionary models.
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Chapter 1
Magnetic Fields in Massive Stars
Strong stellar winds and magnetic fields are essential components for the lives and deaths
of massive stars. In this dissertation, I present a detailed analysis of the interaction
between the stellar winds of massive stars and their magnetic fields. I focus on how this
interaction produces X-ray photons and I enhance previous models to include rotational
physics and arbitrary field configurations.
This chapter gives the background needed to understand the results and topical
importance of this dissertation. First, I provide a description of massive stars, followed
by an overview of the discovery of magnetic fields in massive stars (§1.1). Second, I
present a discussion of the key features of massive stars (i.e. stellar wind, mass-loss
rates and rotation rates (§1.2)). Third, previous studies and developed models for the
interaction between the stellar wind and the magnetic field are examined (§1.3). Fourth,
previous comparisons between the theoretical models and observations are discussed
(§1.4). Fifth, the motivation and layout of this dissertation are presented (§1.5). Finally,
a statement of collaboration is provided (§1.6).

1

1.1

Massive Stars and Magnetic Massive Stars

Massive stars are those with masses larger than ∼8 M⊙ , and with Main Sequence (MS)
effective temperatures (Teff ) greater than ∼10,000 K. While on the MS, where stars
burn hydrogen in their cores, these stars lie in the upper left region of the Hertzsprung
Russell (HR) Diagram (Figure 1.1) and have luminosities, or power, larger than ∼103
L⊙ . The large luminosities lead to the loss of a significant fraction of their initial mass
through strong stellar winds (see §1.2). This mass loss, combined with the star’s death
as a supernova, enriches the Interstellar Medium (ISM) with metals, elements heavier
than hydrogen and helium. Another classification used to characterize the different
stars is spectral type progressing from O (hottest) to M (coolest). Massive stars are
considered to be OB-type stars, while the sun is a G-type star.
Massive stars will end their lives as a black hole or neutron star, depending on their
initial mass and evolution. With the recent groundbreaking detections of gravitational
waves from the merger of heavy black holes and of neutron stars, understanding the
progenitors of these exotic objects is vital. Key properties, such as strong stellar winds
(de Koter, 2008; Vink, 2008), binarity (Wellstein & Langer, 1999; Claeys et al., 2011),
rotation (Yoon & Langer, 2005) and the presence of a magnetic field (Petit et al., 2017),
affect the evolution of these massive stars. This dissertation focuses on the impact of
magnetic fields through its interplay with mass loss and rotation.
The detection of magnetic fields in astrophysical objects goes back to the early
20th century, when Hale (1908) detected a magnetic field in a sunspot by observing
the Zeeman effect. The Zeeman effect occurs when atomic energy levels, sensitive to
magnetic fields, split into multiple components due to the angular momentum direction
being quantized and the external magnetic field introducing a preferential direction. The
degree of splitting is related to the strength of the magnetic field. Therefore, with high
enough spectral resolution and large magnetic fields, we can directly detect the Zeeman
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Figure 1.1: A schematic of the HR diagram taken from ESO1 . OB-type stars lie
in the upper left corner on the Main Sequence denoted by dark to light blue colors.
These stars have high surface temperature and high luminosity.

splitting in the spectrum of astrophysical objects. However, these optimal conditions
are not always present.
Some astrophysical objects do not possess a large enough magnetic field strength
to detect the Zeeman splitting in the spectral lines due to other competing broadening
mechanisms, i.e. thermal motion, or rotational broadening. However, the Zeeman effect has a key property that the magnetically sensitive components are polarized. More
specifically the σ component, states where the quantum number ∆j=±1, will be circularly polarized by the line of sight component of the magnetic field. Babcock (1947)
capitalized on this property to construct a spectropolarimeter, a spectrograph with a
polarization analyzer on the front. This invention could then detect the small shift in
the wavelength of the spectral lines obtained using opposite circular polarization states.
With this groundbreaking idea, it was now possible to detect magnetic fields in a range
of stars, especially those where the Zeeman splitting itself is not easily observed.
For stars more massive than solar-type stars, magnetic fields were initially detected
1

https://www.eso.org/public/images/eso0728c/
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in Ap stars including one of the strongest magnetic fields of ∼30 kG (Babcock’s star,
Babcock 1960). The ‘p’ in this spectral classification denotes that the stars are chemically peculiar by showing an overabundance of some metals. The detection of magnetic
fields was expanded to massive stars in the 1970s with the Bp star named Wolff’s star
(Wolff & Wolff, 1976). However, it was not till the late 1990s that magnetic fields were
detected in non-peculiar OB-type stars. The use of polarized Zeeman techniques and the
development of the Least-Squares Deconvolution (LSD) technique (Donati et al., 1997),
facilitated this research area forward. This technique combines multiple spectral lines
into a mean line profile to increase the signal-to-noise ratio (SNR) of a single polarized
spectrum. Using this development allowed for the first detection of a magnetic field in
a non-chemically peculiar B-type star (β Cephei, Donati et al. 2001) and then in the
O-type star θ1 Ori C (Donati et al., 2002).
Zeeman topology maps are a useful way to study the Zeeman effect spatially. With
the help of magnetic imaging codes (Brown et al., 1991; Donati & Brown, 1997), the
field topology can be reconstructed from the phase-resolved Zeeman signatures. The
resulting maps consist of the surface magnetic field strength; therefore, we can infer the
topology of the magnetic fields. The maps can be used to extrapolate the magnetic field
lines from the surface of the star into space. I use such Zeeman topology maps to study
the magnetized stellar wind of the magnetic B-type star τ Sco in Chapter 6.
Recent studies such as the Magnetism in Massive Stars (MiMeS) survey and the
B-fields in OB-type stars (BOB) survey (Wade et al., 2016; Fossati et al., 2015), have
leveraged the development of improved spectropolarimeters (i.e. ESPaDOnS at CFHT,
FORS 2 at ESO) to detect and characterize magnetic fields in large samples of OB-type
stars. These studies have measured that ∼10% of massive stars host strong (∼kiloGauss)
and mostly dipolar surface magnetic fields (Wade et al., 2016).
The properties of these magnetic fields are very similar to that of ApBp stars.
However, they are observationally different than those in solar-type stars. This is not so
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surprising due to the lack of a significant convective envelope in the structure of massive
stars, although some studies predict that a small convective dynamo might exist in the
sub-surface convection zone due to the iron opacity bump (Cantiello et al., 2009). Solartype stars host magnetic fields in the non-active regions with strengths of a few Gauss.
In active regions of the stellar surface, the magnetic fields are complex and time-variable
in nature. Since massive stars do not have these dynamo processes in their envelopes,
and have observationally stable fields (Walder et al., 2012), it is thought that the magnetic fields are left over from an event or an evolutionary phase that occurred earlier
in their lives, or even during their formation, e.g. fossil fields. However, this event or
phase and its role in the origin of these fields remains a main outstanding question in
star formation and evolutionary models.

1.2

Stellar Winds

OB-type stars have strong stellar winds that are driven by the intense radiation field of
the stellar photosphere, rather than the high gas pressure that drives the weaker winds
of solar-type stars. The main mechanism for radiative driving is resonance scattering,
when modestly ionized metals (e.g. CIV, NV, OV, SiIV etc.) absorb a photon and excite
an electron that promptly decays back to the ground state, releasing a photon. This
interaction causes a transfer of energy and momentum that accelerates the stellar wind
radially, up to a supersonic terminal velocity (V∞ ). Radiative driving allows for much
higher wind speeds (∼3,000 km s−1 ) than those found in solar-type stars (∼400-700 km
s−1 ).
The mass-loss rate (Ṁ ), the amount of mass lost from the stellar surface per unit
time, is an essential parameter when it comes to characterizing stellar winds. Stars with
high mass-loss rates will evolve differently than stars with lower mass-loss rates. OBtype stars lose a significant amount of their initial mass, even on the MS, due to their
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high mass-loss rates Ṁ ∼10−6 − 10−8 M⊙ yr−1 , whereas our sun has a mass-loss rate of
Ṁ ∼10−14 M⊙ yr−1 . Since metals are the source of wind driving, wind parameters are
dependent on the metallicity of the star.
Theoretically predicted mass-loss rates match observations fairly well for O-type
stars, but as the models progress to B-type stars they become less accurate since the observational signatures of stellar winds are less prominent. Mass-loss rates can be straight
forwardly measured for non-magnetic O-type stars using wind sensitive UV lines. However, for magnetic stars, the confinement of the material adds more uncertainty due to
the confined material not escaping the star.
Usually, wind properties are diagnosed by modeling wind-sensitive P-cygni line
profiles in the UV, as well as with Hα emission for large Ṁ cases. However, this can
also be done by studying the X-ray emission. Stellar winds in massive stars are not
homogeneous. Instabilities throughout the wind cause shocks that heat the plasma to
X-ray emitting temperatures (Lucy & Solomon, 1970; Hearn, 1972). The X-ray photons are produced through radiative cooling. Because of high post-shock temperatures,
ground state electrons of highly ionized species get collisionally excited to higher energy
levels, and decay spontaneously to emit X-ray photons. These instabilities in the winds
of non-magnetic stars generally result in an X-ray luminosity of Lx ∼ 10−7 Lbol , where
Lbol is the bolometric luminosity of the star (Cohen et al., 2003).
Some magnetic massive stars, however, are observed to have X-ray luminosities
up to an order of magnitude higher than this canonical relation. Specifically, for the
star θ1 Ori C, the periodic variation in the strong X-ray emission was initially used
to predict the presence of a magnetic field (Gagné et al., 1997). The variations were
thought to be caused by the material trapped in the magnetic field loop being eclipsed
by the star. Later on, with the help of the LSD method, the presence of a magnetic
field was confirmed by direct detection (Donati et al., 2002).
The strong stellar winds of massive stars slow down their rotation due to loss of
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angular momentum (Meynet & Maeder, 1997). This is observed in O-type stars having
slower rotational periods compared to B-type stars, suggesting that the stronger stellar
winds of O-type stars slow the stars down faster than B-type stars (Donati et al., 2006a;
Groote & Hunger, 1982). Magnetic stars have been observed to have even slower rotational speeds than their non-magnetic counterparts, likely due to their magnetic field
providing an extra mechanism for the loss of angular momentum (ud-Doula et al., 2009).
The angular momentum loss from magnetic fields is called magnetic braking, and has
been directly observed in two stars (Townsend et al., 2010; Mikulášek et al., 2008). This
decrease in the mass loss and angular momentum will cause a magnetic star to evolve
differently than a non-magnetic star with the same initial mass. Understanding exactly
how the magnetic field interacts with the wind material and angular momentum is key
to determining the evolutionary track of a magnetic star.
Therefore, we need to carefully and systematically compare the theory of magnetized winds to observations to ensure we understand the underlying physics, allowing
us to predict the past and future of magnetic massive stars. In the following section I
review some of the important developments in the theory of magnetized winds that lead
to the specific problems and questions I tackle in this work.

1.3

Models of the Interaction Between Magnetic Fields
and Stellar Winds in OB-type stars

The Magnetically Confined Wind Shock (MCWS) model presented by Babel & Montmerle (1997a,b) and extended by ud-Doula & Owocki (2002), was developed to understand the competition between the stellar wind and the magnetic field in OB-type stars.
This model states that at distances far away from the stellar surface, the stellar wind
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energy density will always be stronger than the magnetic field energy density, causing
the field lines to be dragged outward radially with the wind and forced into an open
field configuration, allowing the outflowing stellar wind material to escape. On the other
hand, at distances close to the stellar surface, the magnetic field energy density can be
stronger than the stellar wind energy density (see §2.1), causing the magnetic field to
retain its closed field loop configuration (depicted in Figure 1.2). The stellar wind will
thus be forced to move outward along the field lines starting from each footpoint2 . The
material from one footpoint will collide near the top of the field loop with the stellar
wind from the opposite footpoint (left panel of Figure 1.2). Since the wind is supersonic,
this will result in a shock generally in the high Mach number limit (discussed further in
Chapter 3). The post-shock material then cools radiatively, emitting X-ray photons. As
the shocked material cools, the velocity will decrease and in the absence of significant
rotation, gravity will take over and pull the material back to the stellar surface (right
panel of Figure 1.2). This region of magnetically confined material is called a “magnetosphere”.
Magnetohydrodynamical (MHD) simulations have been performed using the
MCWS model for slow rotating magnetic stars (ud-Doula & Owocki, 2002). These
MHD simulations were limited to two-dimensions with a magnetic field axis aligned
with the stellar rotational axis and modest confinement. One of the main results of
these MHD simulations was a unit-less value that characterizes the magnetic confinement of the stellar wind called the “wind magnetic confinement parameter” (η∗ =

B∗2 R∗
),
Ṁ V∞

the ratio of the magnetic energy density to the stellar wind kinetic energy density, discussed further in §2.1. The parameter η∗ is related to the “Alfvén Radius”, the largest
1/4

radius or apex of the last closed field loop, by RA /R∗ ∼ η∗ . The MHD simulations
indeed show closed field loops for η∗ ≥ 10. The smaller the mass-loss rate, keeping all
other parameters fixed, will lead to larger η∗ and a larger RA value, therefore creating a
2

the start of the field line at the stellar surface
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Figure 1.2: A schematic of the MCWS model. Left: the stellar wind (blue line)
moves along the magnetic field loop (red line) until it collides near the loop apex,
creating a shock (red box). The material cools radiatively and emits X-ray photons
(purple). Right: Once the material cools (blue box) it is pulled back to the stellar
surface along the field lines due to gravity (blue line).

larger magnetosphere, discussed in detail in §2.1. The detailed MHD simulations show
a complex interaction between the stellar wind outflow and the infall of material from
gravity. Although the MHD simulations reproduce optical diagnostics fairly well, as
discussed further in §2.1, they are computationally and time expensive and have only
been performed for a limited number of stars.
To provide a simpler alternative to the MHD simulations, ud-Doula et al. (2014)
proposed an analytical description of the time-averaged properties of a magnetosphere.
This paradigm, named the X-ray Analytic Dynamical Magnetosphere (XADM) model,
focused primarily on predicting X-ray production (ud-Doula et al., 2014). Owocki et al.
(2016) developed the XADM model further to address the spatial distribution of the
plasma, resulting in a more general Analytic Dynamical Magnetosphere (ADM) model.
A main result of these models was an increase of X-ray emission with the spectral
type and the size of the magnetosphere (paramterized by RA ) for B-type stars. An
important new concept of the XADM model is shock retreat. MHD models primarily
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concentrated on O-type stars that have a high radiative efficiency. With the typical
densities expected in B-type magnetospheres, the radiative efficiency decreases, resulting in a larger shock region than predicted for O-type stars. Both models focused on
slow rotating stars (discussed in detail in Chapter 3).
The measured rotational periods of some magnetic B-types stars are short enough
(p∼1-2 days) for rotation to be dynamically significant in the physics of the magnetosphere. Therefore, Townsend & Owocki (2005) developed a “rigidly rotating magnetosphere” (RRM) model. As discussed in more detail in §2.2, this model can be applied to
magnetic fields with arbitrary field geometry by assuming that the magnetic field lines
are rigid, such that the wind cannot distort the field lines. Therefore, the initial MHD
problem becomes a set of one-dimensional hydrodynamical (HD) problems along magnetic field tubes. Since the material is forced to move along the magnetic field line and
the field lines co-rotate with the stellar surface due to their rigidity, an added centrifugal
component affects the motion of the magnetically confined material. Other forces such
as the Lorentz force and Coriolis force are always perpendicular to the flow direction and
therefore do not have an effect on the material in the rigid field approximation. This
model focused solely on a steady-state assumption of the cooled, post-shock material
made to reproduce the Hα of σ Ori E (Townsend et al., 2005). The model was expanded
by Townsend et al. (2007) to perform HD simulations that include the full stellar wind
upflow and collision, named the Rigid Field Hydrodynamical (RFHD) model.
Townsend & Owocki (2005) determined that for closed field lines larger than the
Kepler co-rotation radius (RK ; where the centrifugal acceleration is equal to the gravitational acceleration) the confined material will not be allowed to fall back to the stellar
surface. Therefore, material will build-up, creating a “centrifugal magnetosphere” (CM)
with a disk-like structure that produces unique spectral features used to easily detect
rapidly rotating magnetic massive stars within large surveys (Eikenberry et al., 2014;
Oksala et al., 2015). Although the RFHD is computationally quicker than MHD, it has
10

Figure 1.3: A schematic of a dipolar magnetic field in a rapidly rotating massive
star which has an Alfvén radius (RA ) greater than the Kepler co-rotation radius
(RK ), creating an added centrifugal magnetosphere (CM) as well as a dynamical
magnetosphere (DM). The dashed lines are field lines that extend past the RA and
are therefore open (Petit et al., 2013).
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limited applications because of its assumptions.
ud-Doula et al. (2008) expanded the MHD simulations to include rapid rotation,
discussed in detail in §2.3. These simulations reproduced the build-up of material in the
CM predicted by the RRM model. However, they found that in the MHD simulations
that do not depend on the rigid field assumption, there is a complex breakout timescale
where material will overload the magnetic tension and be expelled from the CM.
Figure 1.3 shows a summary schematic from Petit et al. (2013) of the “dynamical
magnetosphere” (DM) when RA < RK and the CM where RA > RK . In order to test the
predictions from the RRM/RFHD and MHD simulations, comparisons to observations
are needed. A couple studies, discussed in the next section, have used both optical and
X-ray spectra to compare observational diagnostics to the simulation predictions.

1.4

Comparison of Models to Observations

In order to test the models, Petit et al. (2013) performed a comprehensive study of all
the known magnetic OB-type stars (earlier than spectral type B5), which totaled 64 at
the time. The magnetospheric properties were calculated using the ADM model. A key
result of this study was the classification of magnetic massive stars into CMs and DMs
through a comparison of their RK and RA values. This comparison is presented in a
rotation-confinement diagram (Figure 1.4). Stars to the right of the diagonal black line
are predicted to have fast enough rotation to create a CM, while stars to the left of the
diagonal black line are slow rotators with a DM.
Optical spectroscopy, especially the Hα spectral line of the hydrogen Balmer series, was determined to be a key tool in observationally confirming the presence of a
CM. For a DM, the Hα line has a narrow emission peak seen in the grey curve of the
right panel in Figure 1.5. This type of feature, prominent in magnetic O-type stars,
12

Figure 1.4: The magnetic confinement-rotation diagram from Petit et al. (2013)
comparing the RA to the RK values for all the known magnetic OB-type stars. Stars
that lie to the right of the black line contain a CM and stars that lie to the left contain
a DM. The shape of the marker denotes the temperature and spectral type of the star.
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Figure 1.5: Hα spectral features for a rapidly rotating magnetic star with a CM
(left) and a slowly rotating magnetic star with only a DM (right). The left plot shows
an absorption core with emission wings found at velocities higher than the vsini of
the photosphere (red line), suggesting a rigidly rotating disc from the CM. The right
plot shows the emission core and a suppressed absorption for a slowly rotating star
with a DM (Petit et al., 2013).

suggests confined material with lower velocity than that found in typical non-magnetic
O-type stars, where Hα wind emission is observed. Hα emission is not significant in
DMs of B-type stars, due to their lower mass-loss rates. This feature also does not show
significant rotational broadening (Sundqvist et al., 2012), providing evidence of slow
rotation.
A rapidly rotating magnetic star produces an Hα line profile with a central absorption core, observed in both O- and B-type stars, and broad emission wings (left panel of
Figure 1.5). The emission wings are at velocities beyond the vsini of the photosphere,
indicative of a rigidly rotating disk confined by the magnetic field (Petit et al., 2013).
Nazé et al. (2014) (thereafter referred to as NA14) used the exhaustive list of all
previously known magnetic OB-type stars from Petit et al. (2013) and focused solely on
those that had modern X-ray observations from the XMM-Newton Space Telescope or
the Chandra X-ray Observatory. The X-ray spectra of these stars were modeled with
plasma models to determine the observed X-ray flux and subsequent observed X-ray
luminosities of each star in the sample (discussed further in Chapter 4). These observed
values were compared to the predicted X-ray luminosity from the XADM model using
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the so-called “spherical approximation” to the shock retreat phenomenon, discussed in
Chapter 3. The resulting diagram is presented in Figure 1.6 and will be referred to as
the XADM diagram for the remainder of this work.
A 10% efficiency was applied to the stars, as suggested from the MHD simulations,
due to the interaction of the upflow and downflow wind quenching the X-ray production
in slowly rotating stars. The one-to-one 10% efficiency line is shown in the solid diagonal
black line. The 100% efficiency line is the dashed black line and the grey shading shows
the efficiency from 5-20%. NA14 observed that the agreement between observed and
predicted X-ray luminosities is generally good and corroborates the 10% efficiency for
slow rotating stars, with values close to the 10% one-to-one line. However, this diagram
contains a set of stars for which the observed X-ray luminosity is much higher than
that predicted by the XADM model, higher than the 100% efficiency line, and dubbed
“overlumious”.
The overluminous group of stars in the XADM diagram is made up of mostly
rapid rotators. The one exception is τ Sco (#11), a slow rotator with a more complex
field than the dipolar assumption made by the XADM model. The cause for this group
of overluminous stars is the main motivation for the research presented in this dissertation. By examining these outliers, we can further our understanding of the physics
of magnetospheres, an important aspect needed to develop stellar evolution models for
magnetic fields.
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Figure 1.6: A comparison of observed X-ray luminosities with those predicted by the
XADM model with spherical shock retreat for magnetic OB-type stars (Nazé et al.,
2014). The O-type stars (circles) are shown in the top right corner and are mostly
all slow rotators (log (RA /RA ) ≈ 0). The B-type stars (triangles) have a range of
rotation rates with varying size of CMs shown with the color scheme. There are 5
stars, noted by identification numbers taken from Petit et al. (2013), that have higher
luminosities than predicted from the XADM model but fit the same trend as seen
with the other stars. These overluminous stars are the basis for questions addressed
in this dissertation.

1.5

Approach to Addressing the Overluminous
Region in the XADM diagram

The main motivation for this dissertation is to determine why the overluminous region
has a larger observed X-ray luminosity than predicted by the XADM/ADM models and
presented in the XADM diagram. Examining this region can be done in several ways.
However, over the past few years there have been key developments that consist of new
observations, Gaia Data Release 2 (GDR2) parallaxes, updated stellar and magnetic
parameters and dipolar shock retreat that will affect the entire sample of B-type stars
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in NA14. Therefore, before I delve into the details of the stars in the overluminous
region, I first implement these advancements using the following:

• I obtain new observations for five stars predicted to have CMs. In Chapter 4,
I present the data reduction and the modelling of the X-ray observations with
plasma models to determine X-ray luminosity and place them in the XADM diagram.
• In §5.2, I use the new parallaxes from the GDR2 to update the distances used to
calculate the observed X-ray luminosities in the XADM diagram.
• A collaborator, Dr. Matthew Shultz, agreed to provide updated stellar parameters
from Shultz et al. (in prep.) as well as revised rotational and magnetic properties
for multiple stars in NA14 from Shultz et al. (2018). In §5.2, I update these stellar
and magnetic parameters in the XADM diagram.
• In §5.3, I use an XADM model for a dipolar shock retreat, where the wind flows
along the field loop rather than the spherical wind approximation from NA14.

After implementing these adjustments, I address the previous observation that
the overluminous region consists of mostly rapid rotators, except for one slow rotator
(τ Sco). Therefore, I choose to examine the specifics of these groups separately, starting
with the rapid rotators. Since the ADM/XADM models focus solely on slow rotating
stars, I explore some of the ways these models could be improved in the case of rapid
rotation. In the remainder of Chapter 5, I implement rapid rotational adaptations as
detailed here:

• I first change the X-ray emission efficiency assumed in the XADM model to include
a scaling for the rapid rotation and creation of a CM.
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• I then add new rotational physics to the XADM model to account for how the
rapid rotation will change the shock retreat, post-shock parameters and the X-ray
luminosity. As a hybrid model between ADM and RRM that can predict the X-ray
luminosity, such a model would be to RFHD what ADM is to MHD.

Next, I turn attention to how stars with complex fields behave within the XADM
diagram. To do this I specifically focus on the overluminous special case of τ Sco
(Chapter 6), although the analysis could be applied to other stars known to have a
complex field geometry. For τ Sco, I perform the steps listed here:

• I adjust the RA values assumed in the XADM model to determine whether an
observed X-ray luminosity is possible from dipolar field loops.
• I adapt the XADM model for an arbitrary field loop in order to determine how
the shock parameters would change for a given loop and compare the dipole field
loops assumed in the XADM model to the arbitrary field loops.
• I determine the post-shock parameters along the individual field loops using an
extrapolation of the measured surface field and estimate how this would lead to
X-ray emission.
• I compute the X-ray light curve to determine the X-ray luminosity for the rotational phase and examine any variations that may occur.

Finally, I present the conclusions and future work in Chapter 7. Through comparisons between observations and theoretical models, we can constrain the theories and
gain a better understanding of the processes occurring in these extreme environments.
The advancements in modelling these stars help to push the field forward by addressing some key ingredients that can be applied to the main questions in the evolutionary
tracks of magnetic massive stars.
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Chapter 2
An Overview of Magnetosphere
Theory and Modeling
Detailed models, such as MHD simulations, have been performed for only a few magnetic massive stars, due to being complex and time expensive. This chapter summarizes
some of the key developments made using simulations and models for rapid rotation. We
start by discussing simulations for slow rotating stars in §2.1 and then rapidly rotating
stars, using a simplified Hydrodynamical (HD) approach focusing only on the post-shock
material with the strong field limit in §2.2. The HD simulation was expanded to include
the stellar wind upflow and shock dynamics discussed in §2.2.5. A full MHD simulation
for rapidly rotating stars is presented in §2.3.

2.1

Isothermal, Non-Rotating, Radially-Driven Flow

ud-Doula & Owocki (2002) performed an MHD study for massive magnetic stars, in
order to understand how the magnetic fields found in these hot stars would affect their
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radiatively driven wind. Using the MCWS model, this study focused on isothermal,
non-rotating stellar winds and addressed the full dynamical competition between the
magnetic field and the wind flow. A few of the main results are presented in this section.

2.1.1

The Wind Magnetic Confinement Parameter

A key parameter derived from ud-Doula & Owocki (2002) is the “wind magnetic confinement parameter” (η∗ ), which characterizes the effectiveness of the magnetic field to
confine the stellar wind. η∗ is derived by determining η, the ratio of magnetic field
energy density (UB = B 2 /8π) to the stellar wind kinetic energy density (Uw = ρv 2 /2),

η=

B2 2
UB
=
,
Uw
8π ρv 2

(2.1)

where B is the magnetic field modulus, ρ is the density of the stellar wind and v is the
velocity. Using the global mass-loss rate for a non-magnetic star (ṀB=0 = 4πρvr2 , with
r being the radial coordinate) to replace ρ gives

η=

B 2 r2
.
ṀB=0 v

(2.2)

The equation for the magnetic field, assumed to decrease in strength by a power law,
is B = B0 ( Rr∗ )q (cos θ r̂ + sin θ/2 θ̂), with B0 being the polar magnetic field strength,
q being determined by the complexity of the field (i.e. for a dipolar magnetic field
q = 3), R∗ being the stellar radius, θ being the latitudinal angle with its unit vector
θ̂, and r̂ being the unit vector in the radial direction. Therefore, the magnetic field
modulus is B 2 = B∗2 (θ)( Rr∗ )2q where B∗2 (θ) = B02 (cos2 θ + sin2 θ/4). Using these values
with Equation 2.2 gives
( )2q
B∗2 (θ) R∗
η(r, θ) =
r2 .
r
ṀB=0 v
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(2.3)

Multiplying this equation by R∗ /R∗ and using a beta-law velocity v = V∞ (1 − R∗ /r)β , a
typical assumption for a radiatively driven stellar wind (discussed more in Chapter 3),
where V∞ is the terminal velocity of the wind, gives
B∗2 (θ)R∗2
η(r, θ) =
ṀB=0 V∞
[

][

]
(r/R∗ )2−2q
.
(1 − R∗ /r)β

(2.4)

The spatial variations are isolated in the second bracket giving a dimensionless constant
that characterizes the strength of the field versus the wind in the first bracket. Therefore,
the wind magnetic confinement parameter is defined as

η∗ ≡

B02 R∗2
B∗2 (θ)R∗2
=
,
ṀB=0 V∞
4ṀB=0 V∞

(2.5)

where the equatorial wind magnetic confinement parameter can be determined by evaluating η∗ at the magnetic equator (θ = 90◦ ) with B∗ = B0 /2 shown in the second
equality. ud-Doula & Owocki (2002) scaled η∗ with typical values for OB supergiants
using
Ṁ−6 = ṀB=0 /(10−6 M⊙ yr−1 )
B100 = B0 /(100 G)
(2.6)
R12 = R∗ /(1012 cm)
v8 = V∞ /(108 cm s−1 ),
giving a wind magnetic confinement parameter of

η∗ = 0.4

2
2
B100
R12
,
Ṁ−6 v8

which is useful for a simple calculation of the parameter.
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(2.7)

2.1.2

Alfvén Radius

The Alfvén radius RA , the last closed field loop, is a key parameter in determining
where the X-rays are produced in the magnetosphere and can be defined in terms of η∗ .
Starting with the Mach number, which characterizes the strength of a shock, defined
by M = v/vs , where vs is the speed of sound. vs is related to the Alfvén speed vA
√
√
by vs = P/ρ = B/ 4πρ = vA , where P is the pressure defined by P = B 2 /4π.
√
Therefore, the Alfvénic Mach number is MA ≡ v/vA = v 4πρ/B. The relation between
√
the MA and η is, therefore, determined using B = v 4πρ/MA and Equation 2.1 to give
MA2

]
[
][
1
1 − R∗ /r
ṀB=0 V∞
.
=
=
η(r, θ)
B∗2 R∗2
(r/R∗ )2−2q

(2.8)

RA is defined where MA (RA ) = 1. In order to determine RA , Equation 2.8 is set to
equal 1 and rearranged for RA on one side
1 − R∗ /RA
B∗2 R∗2
.
=
(RA /R∗ )2−2q
ṀB=0 V∞

(2.9)

The left hand side of the equation can be simplified to
1 − R∗ /RA
=
(RA /R∗ )2−2q

(

RA
R∗

)2−2q

(
−

RA
R∗

)2q−3
.

(2.10)

Using B∗2 (θ = 90◦ ) = B02 /4 and η∗ = B∗2 (θ = 90◦ )R∗2 /ṀB=0 V∞ the right hand side
becomes
B∗2 (θ)R∗2
B 2 (θ = 90◦ )R∗2
1
= ∗
(cos2 θ + sin2 θ) = η∗ (4 − 3 sin2 θ).
4
ṀB=0 V∞
ṀB=0 V∞

(2.11)

Therefore, the final equation for the generalized Alfvén Radius is
(

RA
R∗

)2q−2

(
−

RA
R∗

)2q−3
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= η∗ (4 − 3 sin2 θ).

(2.12)

Figure 2.1: The variation of the Alfvén Radius (RA ) with the magnetic confinement
parameter (η∗ ) from ud-Doula & Owocki (2002). The two lower lines are for a pure
dipole with q = 3 located at the magnetic equator (θ=0o ) and the magnetic pole
(θ=90o ). The upper most line used q = 2.6, a dipole that is modified by wind radial
expansion, focused on the magnetic equator (θ=0o ). The dots are the MHD simulation
results for above the pole (upper dots) and near to the equator (lower dots).

Figure 2.1 from ud-Doula & Owocki (2002) shows how the Alfvén radius changes for
various η∗ , with RA found for q = 2.6 at the magnetic equator (θ = 0) and a dipolar
field (q = 3) at the magnetic pole (θ = 90) and equator (θ = 0). Higher η∗ values
result in larger RA . Therefore, the interplay between the strength of the magnetic field,
stellar radius, terminal velocity and mass-loss rate will cause a change in the size of the
magnetosphere.

2.1.3

Magnetic Confinement and its Effect on the Stellar Wind

The MHD simulations from ud-Doula & Owocki (2002) used typical wind and stellar
parameters for hot, luminous supergiants and a range of values for η∗ , in order to determine the magnetic field’s effect on the stellar wind. For a system with very small
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magnetic confinement (η∗ ≤ 0.01), the stellar wind was unaffected by the magnetic field.
For moderately small confinement (η∗ = 0.1), the stellar wind remained radial but there
was a noticeable influence of the magnetic field with slower flow speeds and larger wind
densities near the magnetic equator. With intermediate confinement (η∗ = 1), the field
lines remained open; however, there was a non-radial tilt forcing the stellar wind to flow
towards the magnetic equator. For strong confinement (η∗ = 10), closed field loops were
found near the stellar surface, where the stellar wind material is forced to accelerate up
the field loops, colliding with the stellar wind from the opposite footprint and creating
a strong shock that produces X-ray emission. The infall of the material back to the
stellar surface, dominated by gravity, is complex and follows along the magnetic field
loops toward one footpoint or the other.
Figure 2.2 shows how some of the main parameters (density, field lines, shock temperature, compressive heating and soft X-ray emission) behave in the strong magnetic
confinement regime. The density is found to get larger near to the loop apex in panel
(a) and the closed magnetic field lines near to the photosphere are clearly shown in
panel (b). Panel (c) shows shock temperatures large enough to produce X-ray emission
(panel (e)), calculated from compressive heating (panel (d)) also found near to the apex
of the field loops. The next section discusses the estimation of the X-ray emission.

2.1.4

Implications for X-ray Emission

Observations show sometimes hard and cyclically variable X-ray emission from some
hot stars (Babel & Montmerle, 1997a; Gagné et al., 1997). Although these initial MHD
simulations do not take the detailed energy balance into account for modeling X-ray
emission from shocked gas, they do show a consistent flow configuration to produce Xray photons. In order to look briefly at the possible implications of the MHD simulations
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Figure 2.2: For strong magnetic confinement (η∗ =10), ud-Doula & Owocki (2002)
presented the MHD simulation results for (a) log of density, (b) magnetic field lines,
(c) shock temperature, (d) compressive heating, and (e) soft X-ray emission.
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on X-ray emission, it is assumed that any collision with a sufficient velocity jump should
radiate emission in the X-ray bandpass. Therefore, the total increase in kinetic energy
(KE = ∆v 2 /2) due to a shock can be determined with standard shock jump conditions
(discussed further in Chapter 3) to find the post-shock temperatures of

Ts ≈ 2.7 × 105 K

−∆v 2 /2
(100 km s−1 )2

(2.13)

(Babel & Montmerle, 1997a). The higher shock temperatures occur in closed loops near
the photosphere, where the material is forced into strong collisions. This aligns well
with the predictions from the MCWS model (discussed in Chapter 1).
In order to estimate the expected X-ray emission, the local volume rate of compressive heating (q) was determined. Combining the energy flux, U = P/A with the
pressure P = KE/t, gives U =

KE
.
At

The kinetic energy of KE = mv 2 /2 and the area

A = V /d, where V is the volume and d is a given length, changes the energy flux to
U=

1 ρv 2 d
.
2 t

Finally, using v = d/t gives a kinetic energy flux of U = (1/2)ρv 2 v. Taking

the negative divergence of the energy flux gives the rate of compressive heating

q ≡ ∇ · U = −∇ · (vρv 2 /2) ≈ −ρv · ∇v 2 /2.

(2.14)

The compressive heating rate (Figure 2.2d) shows that strong compressions happen near
the magnetic equator.
To estimate the X-ray emission above a minimum threshold energy Ex , the compressive heating rate is weighted by a Boltzmann factor1 , which depends exponentially
on the shock temperature
qE ≡ qe−Ex /kTs ,
1

(2.15)

Used by ud-Doula & Owocki (2002) to provide an analytical approach to the compressive heating
rate but not the normal use of a Boltzmann factor.
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where k = 8.62 × 10−5 eV K−1 is the Boltzmann constant. The soft X-ray emission
shown in Figure 2.2e is then determined using this equation with an energy threshold
of Ex = 0.1 keV showing that the soft X-rays should be produced in a narrow disk close
to the magnetic equator.
The luminosity due to the rate of compression was estimated using a volume
integration of the regions found in Figure 2.2 and was calculated to be about 25% of
the total wind kinetic energy (Lw ∼ ṀB=0 V∞2 /2 ∼ 4 × 1036 ergs s−1 ). The soft X-ray
emission can be integrated to determine an estimated soft X-ray luminosity, found to be
LX ∼ 1035 ergs s−1 . This is much higher than the canonical X-ray emission found from
intrinsic wind instabilities (LX ∼ 10−7 Lbol ∼ 4 × 1032 erg s−1 ). Therefore, hot stars
with a larger than expected observed X-ray luminosity could be explained by shocks
associated with a magnetic field.

2.2

Rigidly Rotating Magnetosphere Model

In the previous section, the effect of a magnetic field on the radiatively driven stellar
wind of a slow rotating massive star was examined. However, some massive stars have
rotational periods that are dynamically significant, observed in substantial rotational
broadening in photospheric spectral lines (Conti & Ebbets, 1977; Fukuda, 1982). A
quintessential example of a rapidly rotating magnetic B-type star is σ Ori E, with an
inferred rotational period of 1.2 days (Walborn, 1981). These rotation rates are found
to be a substantial fraction of the critical rate and comparable to the force of gravity,
resulting in a centrifugal force that could significantly influence the magnetic channeling
of a stellar wind. Therefore, Townsend & Owocki (2005) developed a “rigidly rotating
magnetosphere” (RRM) model for rapidly rotating B-type stars. The model postulated
that the confined material will be channeled into a magnetically confined co-rotating
disk, forced to rotate with the stellar surface.
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The RRM model used the strong field limit to decrease the computational time
needed to understand the interaction of the plasma with the magnetic field for rapidly
rotating stars. The strong field limit assumes the field is strong enough to remain
completely rigid, the plasma moves along trajectories determined by the magnetic field
lines and co-rotates with the star. Therefore, the RRM model gives a series of onedimensional problems evolving under a gravito-centrifugal potential. The formalism for
the RRM model is built upon previous models such as the oblique rotator model, a
description of a magnetic field as a tilted dipole used to model longitudinal magnetic
field curves (Michaud et al., 1981), and the MCWS model (Babel & Montmerle, 1997b).

2.2.1

A Dimensionless Potential Along the Field Lines

The strong field limit was based on two basic assumptions, the “frozen flux” condition
and the field lines being rigid and dynamically stable. In order to determine how the
rotation of a star, with a constant angular velocity (Ω), will affect a parcel of stellar wind
material as it moves along the magnetic field line, the total gravitational acceleration
on that parcel was determined. Using Newton’s laws of motion, the sum of the forces
acting on the parcel is

Ftot =

∑

F = Fmag + Fgrav − FN I ,

(2.16)

where Fmag = q(ṙ×B) is the Lorentz force due to the magnetic field, Fgrav = −GM m/R2 r̂
is the gravitational force, and FN I is the force in the non-inertial reference frame. The
radiative force (Frad ) is not included in this equation because the RRM model focused
solely on the post-shock region after the material has been slowed due to the shock.
The Lorentz force is used an example here since the parcel of material does not contain
a charge q, however, in the MHD equations the equivalent force is always perpendicular
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and will not be provide a force on the material.
To determine the forces in the non-inertial reference frame, the force of an arbitrary
vector in a rotating reference frame was determined by

(

dQ
dQ
)f ixed = (
)rotating + Ω × Q.
dt
dt

(2.17)

Therefore, the forces in the non-inertial reference frame are

FN I = mR̈ + mΩ̇ × r + mΩ × (Ω × r) + 2mΩ × ṙ.

(2.18)

For the magnetic field configuration, there is no acceleration of the non-inertial reference frame (R̈ = 0) and the angular velocity is constant, requiring Ω̇ = 0. The other
forces are defined as the centrifugal force (Fcent = mΩ × (Ω × r)) and the Coriolis force
(Fcor = 2mΩ × ṙ). Therefore, the sum of the non-inertial forces is FN I = Fcent + Fcor .
The equation for the total acceleration (gtot ) on the parcel is determined by dividing by the mass of the parcel (m) giving

gtot = g + gmag − gcor − gcent = −

GM
q
R̂ + (ṙ × B) − 2Ω × ṙ − Ω × (Ω × r), (2.19)
2
R
m

where g = −GM/R2 R̂ is the acceleration due to gravity, gmag = (q/m)(ṙ × B) is the
acceleration due to the Lorentz force, gcor = 2Ω × ṙ is the acceleration due to the Coriolis force, and gcent = Ω × (Ω × r) is the centrifugal acceleration.
The parcel’s equation of motion as it moves along the magnetic field was determined using the arc-length distance (s) along the field loop. The time evolution of the
arc-length distance is defined by s̈ = gtot · ŝ, where ŝ = B/B is the unit vector of the
parcel’s direction, assumed to be along the magnetic field line. Therefore, gmag · ŝ and
gcor · ŝ are equal to zero, because they are not in the direction of the magnetic field and
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the equation of motion becomes

s̈ = [g − Ω × (Ω × r)] · ŝ.

(2.20)

Gravitational and centrifugal forces are conservative forces. Therefore, the forces
can be related to a potential Φ = −Φg + Φcent using F = −(∇Φ) giving an equation
of motion of s̈ = −(∇Φ) · ŝt . The ∇ in the s direction is ∂/∂s making the equation of
motion
s̈ = −

dΦ
,
ds

(2.21)

where the motion of the parcel of material is governed by the field line potential (Φ(s)).
The minimum of the field line potential is where the gravitational and centrifugal
forces are equal and opposite causing the parcel to satisfy
d2 Φ ′′
Φ < 0.
ds2

dΦ
= Φ′ = 0;
ds

(2.22)

An area of built up material can occur when the potential minimum occurs over a range
of field loops and the material, at rest in the co-rotating reference frame, will rotate
rigidly with the stellar surface from the observer’s reference frame.
The effective potential (Φ(r) = −Φg + Φcent ) in turn determines the potential
along each field line (Φ(s)) by assuming the star is a point source. Adding together
∫
Φ = − F · dr to get
∫ r
GM∗
GM∗
·
dr
=
(2.23)
Φg = −
r2
r
0
and
∫
Φcent = −

r

Ω2 r sin2 θdr = −Ω2 r2 sin2 θ

0
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(2.24)

gives an effective potential of

Φ(r) = −

GM∗
− Ω2 r2 sin2 θ.
r

(2.25)

The Kepler co-rotation radius (RK ) is defined as the radius where the gravitational and
centrifugal forces balance Fg = Fcent ⇒

GM∗
r2

= Ω2 r sin2 θ and evaluating this at r =RK

gives
(
RK =

GM∗
Ω2

)1/3
.

(2.26)

In order to determine the effective potential in terms of RK , the above equation is
3
rearranged for Ω2 = GM∗ /RK
resulting in an effective potential

GM∗
Φ(r) =
RK

(

RK
−
r

)

1 r2
GM∗
2
−
sin
θ
=
2
2 RK
RK

(

)
1 1 2 2
− − ξ sin θ ,
ξ 2

(2.27)

where ξ = r/RK . A dimensionless potential, with a corresponding minima equal to the
minima of Φ(s), along each field line is defined using Ψ(r) =
1 1
Ψ(r) = − − ξ 2 sin2 θ.
ξ 2

RK
Φ(r)
GM∗

as

(2.28)

This final equation gives two regions: where r ≪ RK → ξ ≪ 1 resulting in a spherically
symmetric potential that is increasing with radius (Ψ(r) ≈ 21 ( Rrk )2 ), and where r ≫ rk
meaning ξ 2 sin θ ≫ 1 resulting in a cylindrically symmetric potential that decreases
outwards with radius (Ψ(r) ≈ ( RrK )).
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2.2.2

Aligned Dipole Configuration

Most of the magnetic fields found in massive stars are dipolar, therefore the potential in
Equation 2.28 is first calculated along the field loop of a star-centered, dipolar magnetic
field aligned with the stellar rotation axis. The parametric equation for a dipolar field
line in the reference frame of the rotational axis is

ξ=

r
= rm sin2 θB ,
RK

(2.29)

with rm being the apex radius in units of R∗ , and θB is the co-latitude angle along
the field line. The dimensionless potential along the field line parametrized by θB is
determined to be
Ψ(r, θB ) = −

1 2
1
− rm
sin6 θB .
2
rm sin θB 2

(2.30)

A comparison of the gravito-centrifugal potential (Equation 2.28) superimposed on an
aligned dipolar field is shown in the top of Figure 2.3 from Townsend & Owocki (2005).
The bottom panel shows how the potential changes along the field loop, with footpoints
at various co-latitude angles for dipolar loops. Since a potential minimum occurs on
field loops with an apex greater than RK , it is predicted that a build up of material will
occur in those minima creating a disk-like structure. The disk does not extend to the
stellar surface because a minimum does not occur on the field lines with an apex less
√
than RK . Therefore a truncation radius was calculated to be ξi = 3 2/3 ≈ 0.87 = RrK .
Between ξ = ξi and the Kepler co-rotation radius (ξ(RK ) = 1), the magnetic tension will
support the material from the inward force of gravity. Beyond this region, where ξ > 1,
the centrifugal force is stronger than gravity, with the magnetic tension constricting the
material against the outward centrifugal force.
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Figure 2.3: Top: the potential superimposed on an aligned dipolar field to show
where the potential accumulation region occurs. Bottom: how the potential changes
with √
co-latitude
angle along each field line. The field lines are chosen to be at
√
rm = 3 2/3, 2, 2 and 4. Minima
are clearly seen on all field lines that extend above
√
3
the truncation radius rm = 2/3 (Townsend & Owocki, 2005).

2.2.3

Titled-Dipole Configuration

Observations have shown that the magnetic field is not necessarily aligned with the
rotational axis of the star (Townsend et al., 2005). However, the RRM model can
be applied to an arbitrary inclination of the magnetic field as long as the effective
potential along each field line can be computed. Therefore, to examine the tilted-dipole
configuration, the next step is to consider the oblique rotator model for a dipole inclined
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to the axis of rotation at an angle β.
In order to cast the potential (Equation 2.28) along a tilted field line, we use a
modified parametric equation for the field lines ξ = rm sin2 θ˜B , where the θ̃B coordinate
is used to denote the co-latitude coordinate in the reference frame of the magnetic field.
Using sin2 θB = x2 + y 2 in terms of x̃ and ỹ, the transformation matrix around angle β
gives the x and y components in terms of x̃, ỹ, z̃ as
x = cos β x̃ + sin β z̃
(2.31)

y = ỹ
z = − sin β x̃ + cos β z̃.

The new components are converted to spherical coordinates (x̃ = r sin θ̃B cos ϕ̃, ỹ =
r sin θ̃B sin ϕ̃, and z̃ = r cos θ̃B ) and
sin2 θB = (cos β sin θ̃B cos ϕ̃ + sin β cos θ̃B )2 + (sin θ̃B sin ϕ̃)2 .

(2.32)

Therefore, the potential along a field loop for the tilted-dipole configuration is

Ψ(θ̃B ) = −

1 2
1
− rm
sin4 θ̃B [(cos β sin θ̃B cos ϕ̃ + sin β cos θ̃B )2 + (sin θ̃B sin ϕ̃)2 ].
2
2
rm sin θ̃B
(2.33)

The equation for calculating the extrema for this potential (Ψ′ = 0) does not have
algebraic solutions but can be found numerically. Graphical results were used to determine where the extrema were for various inclination angles. The potential at angles
β = 30o , 60o and 90o are shown in Figure 2.4. For β = 30◦ , 60◦ there is one minima
at a colatitude between the magnetic and rotational equators. For β = 90◦ there are
two minima at equal distances above and below the magnetic equator for the outermost
field line.
There are limitations to the two-dimensional representations; therefore, the previ35

Figure 2.4: The top panels show dipole field lines plotted on the potential of a rapidly
rotating massive star at angles of β=30o , 60o , and 90o . The bottom panels show how
the potential changes along each field line at the various angles. One minimum occurs
along the field lines for β = 30o and 60o , while two minima occur for the β=90o
(Townsend & Owocki, 2005).

ous discussion can be expanded for the full three-dimensional form of the accumulation
surfaces for both the aligned and tilted-dipole. For the aligned field (β = 0◦ ) the disk
is the same at all azimuthal angles and the inner circle shows a lack of accumulation
due to no minima at radii less than the truncation radius (ξi ∼RK ). At β = 30◦ the
surface has a slight warp in the planar geometry. With β = 60◦ (Figure 2.5) the warped
disk becomes more prominent due to the centrifugal force vanishing along the rotational
axis. Here, a pair of secondary accumulation surfaces termed ‘leaves’ appear, caused
by a bundle of magnetic field lines creating an additional minimum. Since β decreases
towards zero, these leaves occur at large radii, meaning they are not restricted to the
perpendicular case (Figure 2.5). For β = 90◦ there is a partial disk along the magnetic
equator and an opposing pair of truncated cones aligned with the rotational axis. The
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cones are formed from a merger between the warped disk and the leaves (Figure 2.5).

2.2.4

Circumstellar Emission

The circumstellar line emission from a tilted-dipole (β = 60◦ ) RRM configuration was
determined by Townsend & Owocki (2005) from the density distribution equation of
√
∗
the disk, using a stellar angular velocity that is 50% of the critical rate (Ωc = 8GM
).
27R3
∗

A dimensionless quantity was introduced to characterize the ratio of thermal to gravkT R∗
),
µGM∗

itational binding energy at the stellar surface (ε∗ =

assumed to be ∼10−3 for

early-type stars. The temperature in the magnetosphere was assumed to be approximately the stellar effective temperature.
To determine the circumstellar emission, the plasma volume emissivity (jλ ) was
represented by an equation that mirrors the monochromatic line emission at a rest-frame
wavelength (λ0 ) coming from the density-squared radiative recombination of ionized
hydrogen (jλ = j0 ρ2 δ(λ − λ0 )) with constants j0 and λ0 , and δ being the Dirac delta
function. Integrating the emissivity along a ray though the magnetosphere is
∫
Iλ = j0

∞

ρ2 (z0 )δ[λ − λ0 [1 + vp (z0 )/c]]dz0 ,

(2.34)

0

where z0 is the distance along the ray from the observer, vp is the local plasma velocity
along the ray, and c is the speed of light. Since the magnetospheric plasma co-rotates
rigidly with the star vp = ∆ve sin i, where ∆ is the distance between the ray and the
axis of rotation in units of R∗ , and ve is the stellar equatorial rotation velocity. vp is
independent of z0 , therefore, the emission integral becomes
∫
Iλ = j0 δ[λ − λ0 (1 + ∆e sin i/c)]
0

37

∞

ρ2 (z0 )dz0 .

(2.35)

Figure 2.5: Three dimensional plots for the accumulation surfaces for a magnetic
field aligned at β=60o (left column) and 90o (right column). For each alignment
there are three phases shown ϕo = 0o , 45o , 90o (top to bottom). The rotational and
magnetic axes are shown in the single and double headed arrows, respectively. The
3D plots show the complexity of a tilted dipole (Townsend & Owocki, 2005).
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Figure 2.6: The emission from the RRM model with an angle β = 60o between
the magnetic and stellar rotation axes. The magnetic field axis is shown with the
double-headed arrows while the stellar rotation axis is in the single-headed arrows.
The shading represents larger intensity of emission, with the outline of the star shown
in the circle. An emission spectrum is shown below each corresponding emission map
(Townsend & Owocki, 2005).

The density distribution was used to find the emission at all wavelengths I =
∫∞
0

Iλ dλ. Figure 2.6 shows the distribution of the emission for β = 60◦ , along with

the corresponding emission feature. Overall, the RRM reproduces the key features well
from observations of σ Ori E (Townsend et al., 2005).
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2.2.5

Rigid Field Hydrodynamics (RFHD) Simulations

The RRM model was based on the premise that the magnetic field lines are completely
rigid and examined the post-shock plasma after it had radiatively cooled to the stellar
effective temperature, not taking into account the details (i.e. the radiative driving
force) of the stellar wind flowing into the shock front. Building on the RRM model,
the Rigid Field Hydrodynamics (RFHD) approach, developed by Townsend et al. (2007)
discussed briefly in this section, assumed the same rigid field in the strong-field limit but
focused on the time-dependent evolution of the wind, extending the models to synthesize
observables of the shock-heated plasma, including X-ray emission for a dipole magnetic
field configuration in 1D, 2D and 3D simulations.
For the flow along an individual field line in the aligned case, the simulation shows
that shocks quickly form at the magnetic equator because of the supersonic flow speeds,
and the shock front propagates down the field line toward each footpoint. The downward
propagation will stop when the ram pressure of the pre-shock plasma is equal to the gas
pressure of the post-shock plasma. The plasma will accumulate at the local minimum
of the effective potential found in RRM.
Early stages of the simulation showed a substantially smaller disk thickness than
the value predicted by RRM, likely caused by the cool disk pressure being insufficient
in supporting the material against the high pressure of the plasma in the post-shock
regions, compressing the disk. However, after further accumulation it reached a large
enough pressure to expand, causing oscillations and variability of the post-shock cooling
regions. The 1D simulation was in agreement with the results of the RRM model.
The analysis was extended to two dimensions by taking the 1D RFHD simulations
lying in the same meridional plane. Here, the disk truncation radius was prominent,
where the centrifugal force was not strong enough to support the plasma against gravity,
as discussed in the RRM model. The results of the 2D simulations showed dense knots
close to the star due to compression between opposing streams. The larger field lines
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exhibited hotter post-shock temperatures due to the lower plasma densities, faster flow
velocities and the centrifugal force possibly heating the plasma that competes against the
cooling processes. However, due to low densities, the cooling was inefficient. Warping
of the disk occurred for ϕ̃ = 0 which is in agreement with the RRM model.
The complete 3D model was performed and clearly showed the dense co-rotating
disk (Figure 2.7). Once again there was a truncation radius near the center of the disk,
as discussed in the RRM model. The surface density was found to be non-uniform across
the disk and concentrated into two elongated clouds.
The full 3D model was compared with emission in various wavebands (Figure 2.8),
i.e. optical/UV, EUV, and hard and soft X-rays. In the EUV range, thin cooling layers
on either side of the disk were found. The soft X-rays were enclosed by a torus of
hard X-rays, however, the X-ray peak emission was determined to change minimally for
various rotational inclinations.

2.3

MHD Simulations for a Field-Aligned Rotation

The RRM and RFHD models examined the ability of the magnetic field to channel the
wind outflow into a centrifugally supported equatorial disk (Townsend & Owocki, 2005;
Townsend et al., 2007). The RRM model discussed rotationally modulated spectral lines
in the optical waveband (Townsend et al., 2005), while the RFHD model focused on the
time evolution of the stellar wind along the magnetic field for a rapidly rotating star.
To test the RRM model further, ud-Doula et al. (2008) adjusted the MHD simulation
discussed in §2.1 by ud-Doula & Owocki (2002) to include rotation in the simple 2D
axisymmetric case of an aligned dipole. This section focuses on the main results of that
rotational MHD simulation.
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Figure 2.7: The column density from the end of the RFHD simulations for six phases,
with the star shown in the grey sphere and the arrows indicating the magnetic (tilted)
and rotation (vertical) axes. The curved arches show the dipole magnetic field lines
(Townsend et al., 2007).
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Figure 2.8: The distribution of four temperature ranges corresponding to hard X-ray,
soft X-ray, EUV and optical/UV emission (from top to bottom). The star is shown in
the grey sphere at the center of each panel and the arrows show the magnetic (tilted)
and rotation (vertical) axes and the dipolar field lines are shown in the grey arches
(Townsend et al., 2007).
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2.3.1

Closure Radius

The key results of ud-Doula & Owocki (2002) were the wind magnetic confinement
parameter (η∗ ), which characterizes the overall ability of the magnetic field in confining
the stellar wind (Equation 2.5), and the relation between the Alfvén Radius (RA ) and
η∗ (Equation 2.12). For a canonical beta-law velocity, discussed further in Chapter 3,
with β = 1 at the magnetic equator (θ = 90), Equation 2.12 becomes
(

RA
R∗

)2q−2

(
−

RA
R∗

)2q−3
= η∗ .

(2.36)

For integer values of q, RA is determined by finding the root of Equation 2.36. For
non-integer values, the solution was calculated with a numerical fitting to give a general
expression of
RA
≈ 1 + (η∗ + 1/4)1/(2q−2) − (1/4)1/(2q−2) .
R∗

(2.37)

For weak confinement (η∗ ≪ 1), RA goes to R∗ and for strong confinement (η∗ ≫ 1), RA
1/(2q−2)

goes to η∗

. For the standard case, a simple dipole (q = 3), and strong confinement

the equation becomes
RA
≈ 0.3 + η∗1/4 ,
R∗

(2.38)

which is a good approximation for the last closed field loop in slow rotating magnetic
stars. However, for rapid rotation, the maximum closed field loop radius was slightly
larger than RA near the equator, due to the closed field loop co-rotating rigidly with
the photosphere. Therefore, ud-Doula et al. (2008) defined the closure radius as

Rc ≈ R∗ + 0.7(RA − R∗ ),

to determine the last closed field loop in the case of a rapid rotator.
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(2.39)

2.3.2

Rotation Parameter W

For rapidly rotating stars, an important and convenient parameter W =

Vrot
Vorb

was de-

termined to characterize the stellar rotation in terms of the equatorial surface rotation
√
speed (Vrot ) and the orbital speed (Vorb = GM∗ /R∗ ), the azimuthal speed required for
the outward centrifugal forces to balance gravity at the stellar surface. For non-magnetic
stars, the azimuthal speed of the wind outflow decreases outwardly as ≈ 1/r, therefore,
the outer wind rotation is not important. However, in a magnetic star the wind can be
spun up to a maximum loop closure radius due to the nearly rigid body rotation. The
azimuthal speed in this case increases with radius as

vϕ (r < Rc ) = Vrot

r
.
R∗

(2.40)

For rigid rotation, material at r<RK will fall back to the star and material at
r>RK will remain in rigid rotation and be accelerated outwards, as discussed in §2.2.
Using Equation 2.26 gives

3
RK
=

where Vrot = W Vorb = W

GM∗
= W −2/3 R∗ ,
2
2
Vrot /R∗

(2.41)

√
GM∗ /R∗ .

The escape radius, the radius at which the star has sufficient rotational energy
for the material to escape the local gravitational potential unless constrained by the
√
magnetic field, is determined using the escape velocity for the star (Vesc = 2GM/RE ).
This can be defined in relation to the Kepler co-rotation radius as

RE = 21/3 RK

(2.42)

Therefore, the escape radius is only slightly larger than the Kepler co-rotation radius.
For a non-magnetized star that could somehow co-rotate (e.g. with radial open field
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loops), material above RE would escape the star’s gravitational pull. However, in the
case of a closed magnetic loop, the material will be confined by the magnetic tension
and will not be allowed to escape.

2.3.3

Key Results of Rapidly Rotating MHD Simulations

ud-Doula et al. (2008) examined much stronger magnetic confinement (up to η∗ =1000,
RA ∼6 R∗ ) than ud-Doula & Owocki (2002). Stellar and wind parameters for the simulations were again taken to be typical values for an OB supergiant. A full comparison
of the confinement and rotational rates from zero up to W = 1/2 of the critical limit
was performed with the following results:

• For RA <RK , the models showed weak rotation and/or magnetic confinement with
only a small increase in the density at the equator as well as the over-all mass-loss
rate. The magnetically confined material was shown to fall back to the stellar
surface.
• Models with RA ∼RK had complex infall and breakout regions, but no build up of
material into a Keplerian disk.
• The combination of strong confinement and rapid rotation in the models where
RA >RK showed a build up of material that is supported against gravity at radii
larger than RK and is held in nearly rigid rotation as suggested by the RRM model
in Townsend & Owocki (2005).
• The RRM disk was found to be regulated by a combination of infall back to the
stellar surface and breakout of material that overcomes the magnetic tension and
is expelled from the star.
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2.4

Summary

The MHD simulations combined with the RRM and RFHD models provide an excellent
description of the dynamics between the stellar wind and the magnetic fields for these
magnetic stars. Through these simulations, a comprehensive view of slowly rotating and
rapidly rotating stars was examined. The RRM model only considered the steady-state
accumulation of the material into a co-rotating disk and did not provide insight into the
shocked plasma conditions necessary to predict X-rays. However this was addressed by
the extension of the RRM to the RFHD model. The results of the MHD and RFHD
simulations were found to be in strong agreement with X-ray and optical observations
and helped to determine some key diagnostics in detecting magnetic fields in massive
stars. However, MHD and RFHD simulations are computationally and time expensive
leading to the need for a more convenient model.
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Chapter 3
The Analytic Dynamical
Magnetosphere Model
In order to simplify the complex and computationally expensive simulations discussed
in Chapter 2, ud-Doula et al. (2014), and Owocki et al. (2016) developed analytical
approaches to understanding the competition between the stellar wind and the magnetic field of massive stars. The X-ray Analytic Dynamical Magnetosphere (XADM)
model, discussed in ud-Doula et al. (2014), produced a simplified analytical scaling for
the X-ray luminosity. The examination of the X-ray emission performed in ud-Doula
et al. (2014) treated the full energy balance equation, including the cooling of the postshock gas. Focusing solely on slow rotators with a DM, the goal was to derive broad
scaling relations for how the X-ray luminosity and spectral properties depend on the
bolometric luminosity and mass-loss rate, and how they affect the cooling efficiency of
the post-shock material.
The Analytic Dynamical Magnetosphere (ADM) model (Owocki et al., 2016) used
the basis of the XADM model to provide a comprehensive view of the spatial distribution of key properties for the material in closed magnetic field loops. This was motivated
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by the fact that MHD simulations are computationally expensive and have only been
performed for a handful of OB-type stars with simplified radiative transfer methods.
For low resolution optical and X-ray spectra, the time averaged approach of the ADM
model was proven useful in reproducing key observational properties for the DMs.
The ADM model breaks down the MCWS paradigm discussed in Chapter 1 into
three stages: wind upflow, hot post-shock gas, and cooled downflow. Equations for the
density, temperature and velocity were derived within each stage. A main assumption
of the ADM model is that each loop has two steady-state flows that are directed in
opposite directions. Therefore, the confined material can travel up and down the field
loop at the same time without interacting. A schematic of a dipole field loop and the
three stages of the ADM model are shown in Figure 3.1 and show the key variables
used in defining the field loop and regions which are discussed in detail in the following
section.
Here I have reorganized the material of Owocki et al. (2016) and ud-Doula et al.
(2014) to comprehensively derive the important parameters from both the XADM and
ADM models. The XADM model used a spherical approximation for the wind upflow,
which was then expanded to a dipolar approximation with the wind being channeled
along the field loops used in Owocki et al. (2016). In both ud-Doula et al. (2014) and
Owocki et al. (2016), the assumption of dipolar field loops was made throughout to
derive the analytical expression. Here, I focus on deriving the general equations that do
not make this assumption and will be used to numerically solve for the conditions in the
field loops of arbitrary shapes in §6.4. Therefore, this chapter starts with the general
equations along an arbitrary field loop “s” in §3.1 and then applies them to a dipolar
magnetic field in §3.2, addressing both of the wind approximations.
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Figure 3.1: A schematic of the three stages of the ADM model and the key variables
used in defining a dipole field loop (Owocki et al., 2016).

3.1

Generalized Equations

The general equations for the ADM and XADM models for each stage of the ADM
model are presented in this section. I modify these equations in §6.4 to numerically
solve for an arbitrary field loop. The descriptions given in Owocki et al. (2016) and
ud-Doula et al. (2014) used an analytical equation for the dipole field loop.
In order to determine how the stellar wind material flows along the field line, we
need to know the amount of material or mass flux (ρv) channeled along a given field
line from its footpoint. Since the flow velocity v is in the direction of the field line ŝ, the
velocity is defined as v(s(r)) = v(s(r))ŝ = v(s(r))B(s)/|B(s)|, where B is the magnetic
field vector and B is the magnitude of the magnetic field. The divergence of the mass
flux is
∇ · (ρv) =

ρv
ρv
(∇ · B) + B · ∇ .
B
B
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(3.1)

Given ∇ · B = 0 and using ŝ · ∇ = ∂/∂s, it is determined that ∇ · (ρv) = B ∂(ρv/B)
.
∂s
Since this is a steady-state flow with mass conservation (∇ · (ρv) = 0), it results in
ρv/B = constant, meaning that the local mass flux scales with the magnetic field as it
moves along the field line.

3.1.1

Wind Upflow

In the wind upflow stage of the ADM model, the stellar wind material flows out from
the stellar surface along the magnetic field lines. The stellar wind material is mostly
ionized; therefore, the frozen flux theorem is assumed and, like the RRM and RFHD
models, the field configuration is assumed to be rigid (discussed in Chapter 2).
The mass of the material that flows upward along the field loop is defined by the
mass flux at the footpoint (R∗ ). Using the scaling from Owocki & ud-Doula (2004), the
mass flux for an individual footpoint (ṁb =Ṁb /ṀB=0 ) is the ratio of the global magnetic
mass-loss rate (Ṁb ) to that of a nonmagnetic star (ṀB=0 ). ṁb is equal to the radial
projection cosine (µB = cos θB ), where θB is the angle between the local field direction
at the stellar surface and the radial direction. Therefore, cos θB = ŝ · r̂ and ṁb becomes

ṁb = µB = ŝ · r̂,

(3.2)

where ŝ = B/B is the unit vector of the field loop and r̂ is the unit vector of the radial
direction at the stellar surface.
The stellar wind material is radiatively driven, where the photons provide momentum and energy to the ions that comprise the stellar wind material, through resonance
scattering (discussed in Chapter 1). To address the radiative driving’s effect on the
velocity of the stellar wind, a “beta-law” velocity v(r) = V∞ w(r) = V∞ (1 − R∗ /r)β was
introduced in the Castor, Abbot and Klein (CAK) theory developed in Castor et al.
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Figure 3.2: A plot showing how the velocity changes with radius for the beta-law
assumed in the ADM model. Values of β = 1/2, 3/4, 1, 2 are shown by the various
lines.

(1975), where V∞ is the non-magnetized terminal wind velocity. The velocity of the
wind as it changes with radius for the beta-law velocity for various β = 1/2, 3/4, 1, 2 is
shown in Figure 3.2. Typical accepted values for OB-type stars are β = 1/2, 1 (Castor
et al., 1975; ud-Doula et al., 2014). This assumption follows the general trend of the
velocity in these stars, however, the instabilities within the stellar wind causes the velocity of the material to have scatter and not follow a smooth curve as it moves to larger
radii (Sundqvist & Owocki, 2013). Since the ADM model was meant to be completely
analytical, the beta-law velocity was assumed for the magnitude of the upflow wind
velocity.
Using mass conservation ρpre (r)vpre (r)/B(r) = ρ∗ v∗ /B∗ , dividing by V∞ and
replacing ρ∗ v∗ with ρw∗ = ṀB=0 /4πR∗2 V∞ , the density of the wind upflow becomes
ρpre (r)
ṁb B(r)
=
,
ρw∗
wpre (r) B∗
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(3.3)

where w(r) is the velocity scaled to V∞ . The temperature of the wind upflow is assumed
to be the same as the effective temperature of the star, however the specific value is not
important for this model as long as the wind upflow is supersonic, in order to produce
the strong-shock assumption in the post-shock gas, as explained below.

3.1.2

Shock Retreat

As discussed in the MCWS model in Chapter 1, the stellar wind flows along the field
line, colliding with the flow from the other footpoint near the loop apex. Since the stellar
wind is supersonic, it creates a shock. For an adiabatic shock in the constrained flow,
when the material collides at the shock front the temperature increases dramatically and
does not cool (left panels Figure 3.3). Therefore, as more parcels of material collide,
the material builds up, causing the shock front to retreat further away from the initial
shock front with time (left panels in Figure 3.4). However, in the case where heat-loss is
important (e.g. radiative cooling) in the post-shock material, we have a radiative shock
(right panel Figure 3.3). As the material cools, the density will increase allowing further
compression of the post-shock material resulting in a steady-state location of the shock
front (right panels in Figure 3.4). This is true in the regime of T ≈106 K.
The main equations of the shock jump conditions for radiative shocks are
mass conservation: ρpre vpre = ρpost vpost
2
2
momentum conservation: Ppre + ρpre vpre
= Ppost + ρpost vpost
,

(3.4)

1 2
Ppre
Ppost
1 2
energy conservation: epre + vpre
+
= epost + vpost
+
,
2
ρpre
2
ρpost
where the subscript pre denotes the pre-shock parameters and the subscript post denotes the post-shock parameters (used throughout this dissertation). Using the thermodynamic relation e = cV T =

1 P
,
γ−1 ρ

where cV is the specific heat capacity at constant

volume and γ is the ratio of heat capacities, combined with the sound speed c2s = γP/ρ
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Figure 3.3: A comparison of the shock jump conditions for an adiabatic shock (left
panels) and a radiative shock (right panels). The change in the temperature is plotted
on the top and the density is on the bottom. The shock front is shown by the red
vertical line. Pre-shock conditions are in blue and post-shock conditions are in green.

Figure 3.4: A diagram of an adiabatic shock on the left and a radiative shock on the
right. For the adiabatic shock, the shock front continues to retreat backwards with
every collision. However, for the radiative shock the cooling of the material will allow
for the density to increase with every shock, creating a steady-state shock front.
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we get the previous equations to become
ρpost
vpre
=
ρpre
vpost
(
)
(
)
c2s,pre
c2s,post
vpre 1 + 2
= vpost 1 + 2
γvpre
γvpost

(3.5)

c2s,pre
c2s,post
1 2
1 2
v +
= vpost +
.
2 pre γ − 1
2
γ−1
We can define two quantities, a compression ratio of the shock ρpost /ρpre = ψ −1 and the
Mach number M = vpre /cs,pre , where cs,pre is the sound speed pre-shock. Combining the
the equations in Equation 3.5, with M and ψ gives
ρpre
2
1
vpost
γ−1
+
.
=
=
ρpost
vpre
γ + 1 γ + 1 M2

(3.6)

Since the shocks are due to supersonic stellar winds with velocities 100∼1000 km
s−1 , the shocks are considered strong shocks with a large Mach number (M ∼ 103 ). For
an ideal gas γ = 5/3, using Equation 3.6 gives the jump conditions
ρpre
=4
ρpost
1
vpre
= .
vpost
4

(3.7)

The shock jump conditions are an important part of determining the hot post-shock
region parameters, which depend on the radius at which the shock front is located. Otype stars have high-density stellar winds with efficient post-shock cooling causing the
shock radius to be found near to the loop apex, creating a narrow post-shock region
(top panel Figure 3.5).
For B-type stars, the lower mass-loss rates and the stronger magnetic fields lead to
1/4

larger closed field loops, since RA ∼ η∗

(Chapter 2). Therefore, ud-Doula et al. (2014)
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Figure 3.5: Top: The extent of the shock retreat region in purple for a star with very
efficient cooling, i.e. O-type stars. Bottom: The extent of the shock retreat region for
a star with less dense stellar wind that is not as efficient at cooling, as seen in B-type
stars (ud-Doula et al., 2014).

expected that in this case the shocks in large field loops would occur at larger radii,
resulting in harder X-rays. However, the lower density stellar wind of B-type stars was
found to be significantly less efficient at radiative cooling, resulting in the shock front
retreating to lower radii, which was dubbed the “shock retreat” phenomenon. Since the
shock front is forced to retreat to a lower radius, the upflow velocity is slower resulting
in a weaker shock and potentially softer and weaker X-rays (Figure 3.5). Therefore, the
first step in determining the immediate post-shock parameters (denoted by a subscript
‘s’) is to find the shock radius (rs ).
The goal of ud-Doula et al. (2014) was to derive scalings for the cooling layer
between the shock front (s(rs )) and the loop apex (s(rm )). Starting from the energy
balance equation for a monatomic ideal gas, and only including the processes that cause
a change in temperature, results in the equation
(
)
−1 ∂T
2
2 µ̄ ρΛm (T )
+ v · ∇T = ∇ · v +
,
T
∂t
3
3k
T
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(3.8)

where

2 µ̄
3k

comes from the ideal gas law with µ̄ = 0.62mp as the standard molecular

weight in terms of the proton mass, and Λm is a mass-weighted form of the optically thin
cooling function Λ(T ) from the volume cooling rate for radiative emission (Crad = ρ2 Λm ).
Inverse Compton cooling is neglected since radiative cooling dominates for strong shocks
in luminous stars (ud-Doula et al., 2014). The steady-state mass continuity (∇ · ρv = 0)
and the assumption from the beta-law that the velocity is along the field line ∇ · ρv =
, used to simplify Equation 3.8, is rewritten in terms of velocity and density for
− vρ dρ
ds
adiabatic cooling as
v dT
2 v dρ 2µ̄ ρΛm
≈
−
.
T d
3 ρ ds 3k T

(3.9)

In this section the “post” subscript is neglected except when “pre” is specified.
Since the post-shock flow is subsonic, ud-Doula et al. (2014) make the approximation that the material is nearly isobaric1 , meaning ρT ≈ ρs Ts , where the post-shock density is ρs = 4ρpre = Ṁ /πvs s(rs )2 and Ts = 3µ̄vs2 /16k ≈ 14 MK V82 vs2 with V8 = V∞ /108
cm s−1 , which can be simplified to Ts = T∞ ws2 . Using Equation 3.9 and mass continuity, a simple first-order differential equation can be expressed to find the temperature
variation in the post-shock region. The derivative of the density with respect to s
( dρ
= − ρTs T2s dT
) makes the the temperature equation
ds
ds
v dT
2 v dT
2 µ̄ ρΛm
v dT
2 µ̄ ρΛm
=−
−
⇒
=−
.
T ds
3 T ds
3k T
T ds
5k T

(3.10)

Multiplying both sides by T 3 /Ts3 and rearranging provides
T2
2 µ̄Λm ρT 2
dT = −
ds.
Ts3
5 kTs vTs2
1

Using this approximation neglects gravity.
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(3.11)

As ρ = ṀB=0 /Av, where Ṁ B=0 is the non-magnetized global mass-loss rate and A is
the area of the mass flux tube, we adjust the previous equation to
T2
2 µ̄Λm ρ2 T 2
dT
=
−
Ads
Ts3
5 kTs ṀB=0 Ts2

(3.12)

and making the substitution ρT = ρs Ts with the jump condition ρs = 4ρpre , gives
T2
32 µ̄Λm ρpre (rs )2 Ts2
dT
=
−
Ads.
Ts3
5 kTs ṀB=0 Ts2
Furthermore, as ρpre (rs ) = Ṁ /As vs and Ts =

3 µ̄ 2
v ,
16 k s

(3.13)

we obtain

T2
512 Λm ṀB=0
dT = −
Ads.
3
Ts
15 vs2 vs2 A2s

(3.14)

Finally, using the mass-loss weighting for a given flow tube (ṁb ) and defining the cooling
parameter χ∞ ≡

4R
15π V∞
∗
,
128 Ṁ Λm

the generic temperature derivative equation becomes
1 ṁ A∗
T2
dT = −
Ads,
3
Ts
χ∞ ws4 A2s R∗

(3.15)

where ws (s) = (1 − R∗ /r(ss ))β is the velocity immediately before the shock. Integrating
both sides of Equation 3.15 from the shock position to any position in the post-shock
region yields
(
1−

Tpost (s)
Ts

)3

3 ṁ A∗
=
χ∞ ws4 A2s R∗

∫

s(r)

Ads.

(3.16)

s(rs )

To make a general implicit equation for finding the shock radius, the above equation is
integrated from the shock position (s(rs )) to the apex radius (s(rm )), setting the apex
temperature (Tpost (s(rm ))) equal to zero which gives
∫

s(rm )

Ads =
s(rs )

3 ṁ A2s R∗
.
χ∞ ws4 A∗ Am
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(3.17)

Here, the left hand term is equal to

∫ s(rm )
s(rs )

Ads = g(rs ) and is only a function of the field

loop geometry. Using the field loop geometry yields an implicit equation to solve for rs
from Equation 3.17.
ud-Doula et al. (2014) first assumed a spherical approximation to the wind outflow,
where the stellar wind flows outward radially and creates a shock by colliding with a
spherical “wall” at the shock radius. Here the spherical geometry is specified by A ∝ r2
in Equation 3.17, discussed further in §3.2.1. This assumption was used in the XADM
model to determine the X-ray luminosities in NA14. The dipolar approximation for
the shock retreat was derived in Appendix B of ud-Doula et al. (2014) to take into
account the stellar wind being channeled along the field line. In this assumption, g(rs )
is calculated using the dipolar loop equations (see §3.2.1). Equation 3.17 can also
be numerically calculated for a known loop of arbitrary shape, which is performed in
Chapter 6.

3.1.3

Hot Post-Shock Gas

The hot post-shock gas region is between the shock front (ss ) and the loop apex (sm ),
with the parameters in the region denoted by the subscript ‘post’. Since the position of
the shock front will vary due to shock retreat, the velocity immediately before the shock
front will decrease if the shock front is located at lower radii. Therefore, the velocity at
the shock is denoted by ws (s) = (1 − R∗ /r(ss ))β and follows the beta-law of the stellar
wind in the wind upflow region.
After the shock, the material cools radiatively until it reaches the effective temperature at the loop apex (assumed to be Tm ∼ 0). The equation for the spatial variation
of the temperature for the post-shock region is determined by integrating the general
distribution temperature (Equation 3.16) from the shock radius ss to each s along the
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field loop up to the loop apex sm and assuming A∗ B∗ = A(r)B(r)
(
1−

Tpost (s)
Ts

)3

3 ṁb Bs2 rm
=
χ∞ ws4 B∗ Bm R∗

∫

s(r)

s(rs )

Bm ds
.
B rm

(3.18)

Rearranging this equation defines the general temperature variation for the hot postshock region (Tpost ) along the field line as
(
)1/3
∫
3 ṁb Bs2 rm s(r) Bm ds
Tpost (s) = Ts 1 −
.
χ∞ ws4 B∗ Bm R∗ s(rs ) B rm

(3.19)

Due to the isobaric assumption for the post-shock pressure made in the energy
equation, ρpost Tpost ≈ ρs Ts , and using the shock jump conditions for density ρs =
4ρpre (rs ), where ρpre (rs ) is the density of the upflow wind just before the shock radius,
leads to a density variation equation of

ρpost (s) = ρs

Ts
.
Tpost (s)

(3.20)

Assuming mass continuity (ρv/B = constant), the spatial variation of the post-shock
flow speed is determined by ρpost (s)vpost (s)/B(s) = ρs vs /Bs . The shock jump conditions
for velocity in a strong shock (vs = vpre (ss )/4) and the equations for ρpost give the
following velocity variation

vpost (s) = vs

3.1.4

Tpost (s) B(s)
.
Ts
Bs

(3.21)

Cooled Downflow

After the post-shock gas cools, it falls back down to the stellar surface due to gravity. The spatial variation of the downflow velocity is determined using conservation of
energy E(sm ) = E(s). For the downflow material, the total energy is the sum of the
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gravitational energy (Eg (s) = GmM∗ /r(s)) and the kinetic energy (K(s) = mv 2 (s)/2)
which gives
mv 2 (sm ) GmM∗
mv 2 (s) GmM∗
−
=
−
.
2
r(sm )
2
r(s)
√
Using the escape velocity (ve = 2GM∗ /R∗ ), the downflow velocity becomes
√
vcool (s) = ve

R∗
R∗
v 2 (sm )
+
−
.
r(s) r(sm )
ve2

(3.22)

(3.23)

The density of the cooled wind is determined in an analogous way to the upflow
density by using mass conservation and the downflow speed, instead of the upflow speed.
Using the characteristic density for the downflow (ρc∗ = Ṁ /r(s)πR∗2 ve = ρw∗ V∞ /ve )
gives the equation
ṁb
ρcool (s)
= √
ρc∗
R∗
ve r(s)
− r(sRm∗ ) +

v 2 (sm )
ve2

B(s)
.
B∗

(3.24)

Finally, the temperature of the downflow material is assumed to have cooled back
down to nearly the stellar effective temperature Tcool ≈Teff and remains constant. The
temperature, density and velocity distribution of a parcel of stellar wind material for
each ADM region is shown in Figure 3.6.

3.2

ADM Model for a Dipole Field Loop

The magnetic fields of massive stars are mostly observed to be of a dipolar configuration.
Therefore, the original ADM model assumes a star-centered dipolar magnetic field,
which in turn makes the assumptions more analytical. The general equation for a
√
magnetic field is B = Br r̂+Bθ θ̂+Bϕ ϕ̂ with the magnitude being |B| = Br2 + Bθ2 + Bϕ2 .
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Figure 3.6: A summary plot of the spatial variation for the temperature (green),
density (blue) and velocity (red) for the ADM model. The solid lines are the variation
in the wind upflow region (r < rs ). The vertical dashed black line is the shock
radius (rs ), followed by the hot post-shock region (r > rs ). The dotted lines are
the parameters in the cooled downflow region as the material falls back to the stellar
surface. This is performed for a star with log(Ṁ )=-9.3, V∞ =1000 km s−1 , R∗ =5.6,
resulting in a χ∞ = 413 and an RA =5.26R∗ .

For a dipole the magnetic field vector in spherical coordinates is defined by
Bp
B=
2

(

R∗
r

)3
(2 cos θr̂ + sin θθ̂),

(3.25)

where Bp is the polar magnetic field at the stellar surface, and r̂ and θ̂ are the unit
vectors in the radial and latitudinal directions. The magnetic field modulus is expressed
in terms of r and µ = cos θ and scaled to the value of the magnetic field at the stellar
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surface (B∗ = B(R∗ , µ∗ = cos θ∗ )) by
B(r, µ)
=
B∗ (R∗ , µ∗ )

(

R∗
r

)3 (

1 + 3µ2
1 + 3µ2∗

)1/2
.

(3.26)

The differential unit vector along the field line is dŝ/ds = B/B and for a dipole gives
√
2µr̂ + 1 − µ2 θ̂
B
√
ŝ =
=
.
B
1 + 3µ2

(3.27)

The differential along the field (ds = drr̂ + rdθθ̂ + r sin θϕ̂) yields a system of equations
to solve in order to trace the field line, used in Chapter 6,
Br
dr
=
ds
B
rdθ
Bθ
=
ds
B
Bϕ
r sin θdϕ
=
.
ds
B

(3.28)

For a dipole Bϕ = 0, therefore, using the components of Br and Bθ results in
2µ
dr
=√
ds
1 + 3µ2
√
1 − µ2
dθ
r =√
.
ds
1 + 3µ2

(3.29)

√
Since µ = cos θ, we have dµ = sinθdθ, which gives dθ = −dµ/ 1 − µ2 . The minus sign
in this equation depends on which direction along the field loop you choose (starting
from the southern or northern footpoint). These relations yield
√
1 + 3µ2
ds(r, µ) = −
dµ.
1 − µ2
r

63

(3.30)

Setting this equal to the first equation in Equation 3.29 (rearranged for ds) results in
dr
−2µ
=
dµ.
r
1 − µ2

(3.31)

Integrating this from the stellar surface (R∗ , µ∗ ) to a point along the field line (r, µ)
gives the relation between r and µ
r(µ, µ∗ )
1 − µ2
=
.
R∗
1 − µ2∗

(3.32)

This equation is used to define a given field loop starting at the stellar surface (R∗ , µ∗ )
and extending over the region of parameters from −µ∗ < µ < µ∗ . The maximum radial
value, or apex (rm ), along a closed field loop at a given µ∗ is calculated by rm (µ∗ ) =

R∗
1−µ2∗

and corresponds to µ = 0.
Using Equation 3.27 with the generalized mass flux from Equation 3.2 gives

ṁb = ŝ · r̂ = √

2µ∗
,
1 + 3µ2∗

(3.33)

and the upflow density for a dipole from Equation 3.3 becomes
√
√
r/R∗ − 1 + µ2 1 + 3µ2 R∗ 3/2
ρw (r, µ)
=
( ) .
ρw∗
(r/R∗ − 1)(4r/R∗ − 3 + 3µ2 ) r

3.2.1

(3.34)

Spherical and Dipolar Shock Retreat

As discussed in §3.1.2, NA14 used the spherical wind assumption from the XADM model
when determining the predicted X-ray luminosity. The general temperature equation
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(Equation 3.14) returns the spherical flow case using A ∝ r2 , ds = dr and ṁb = 1 to get
(
1−

rs
rm

)3

(
= χ∞

ws rs
rm

)4

rm
.
rs

(3.35)

Rearranging this equation gives the polynomial
(ws )4
1 + χ∞
−
1 − ws

(

1 − ws
1 − wm

)3
= 0,

(3.36)

that can be solved for the velocity at the shock ws , where χ∞ = 15πV∞4 R∗ /128ṀB=0 Λm ≈
0.034V84 R12 /Ṁ−6 is the cooling parameter. This velocity is assumed to be related to the
shock radius rs by ws = 1 − 1/rs for a beta-law velocity with β = 1.
Since most magnetic fields in massive stars are of a dipole field geometry, the ADM
∫
model uses the dipolar scaling discussed in the previous section to calculate Ads and
determine the shock retreat. Equation 3.14 can be expanded to a dipole field geometry
by assuming B∗ A∗ = BA resulting in
1 ṁ Bs2
T2
dT
=
−
ds
Ts3
χ∞ ws4 B∗ B

(3.37)

and the general implicit equation for finding the shock radius scaled to rm becomes
∫

1

g(rs /rm ) =
s(rs /rm )

Bm ds
χ∞ ws4 B∗ Bm R∗
=
.
B rm
3 ṁb Bs2 rm

(3.38)

√
Using Equation 3.30, the equation for ds and B/Bm = (rm /r)3 ( 1 + 3µ) changes
g(rs /rm ) to an integral over dµ
∫

srs /rm

g(µ) ≡
s(rs /rm )

Bm ds
=
B rm

∫
0

µs

(

r
rm

)4
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dµ
=
1 − µ2

∫
0

µs

(1 − µ2 )3 dµ,

(3.39)

where r = (1 − µ2 )rm and rm = R∗ /(1 − µ2∗ ) gives the final equality. Integrating this
equation gives the polynomial

g(µs ) = µs − µ3s +

3µs µ7s
− ,
5
7

(3.40)

that is set equal to the right hand side of Equation 3.38

g(µs ) =

χ∞ ws4 B∗ Bm R∗
.
3 ṁb Bs2 rm

(3.41)

Using the corresponding dipole equations for ṁb , B∗ , Bm , Bs , gives the equation

µs −

µ3s

(
)4 ( )2
3µ5s µ7s
χ∞ 1 + 3µ2∗ ws rs
rs
+
−
=
.
2
5
7
6µ∗ 1 + 3µs rm
R∗

(3.42)

Since rs = rm (1 − µ2s ), ws = (1 − R∗ /rs ) for a β = 1, the previous equation can be
reorganized to get the following polynomial
3 9
58 7
2
10
4
2
8
µ12
µ + C(4µ6∗ + 12µ4∗ + 4µ2∗ )µ6s
s − C(4µ∗ + 2)µs + µs + C(6µ∗ + 8µ∗ + 1)µs −
7
35 s
12
+ µ5s + C(µ8∗ + 8µ6∗ + 6µ4∗ )µ4s − 2µ3s − C(2µ8∗ + 4µ6∗ )µ2s − µs + Cµ8∗ = 0,
5
(3.43)
χ∞ 1+3µ2∗
.
6µ∗ (1−µ2∗ )2

This polynomial is solved to find the value for µs , which in turn
√
will give the shock radius rs = rm 1 − µ2s .
where C =

Using the shock radius and the general temperature distribution (Equation 3.37),
simplified with the dipolar equations, the spatial variation of temperature for the postshock region becomes
[

g(µ)
Th (r, µ) = Ts
g(µs )
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]1/3
,

(3.44)

where gµ is calculated with Equation 3.39 and g(µs ) is calculated by Equation 3.41.
Furthermore, using the dipolar equations with the density variation equation (Equation 3.20) gives
[

g(µs )
ρh = 4ρw (rs , µs )Ts
g(µ)

]1/3
(3.45)

and the velocity (Equation 3.21) for a dipole field becomes
[

g(µ)
vh (r, µ) = vs
g(µs )

3.2.2

]1/3

B(r)
.
Bs

(3.46)

Cooled Downflow for a Dipole Field Line

The downflow velocity (Equation 3.23) for a dipole field is
√
vc (r, µ) = ve |µ|

R∗
,
r

where v(sm ) ≈ 0 and µ can be rearranged from Equation 3.32 to µ =

(3.47)
√

R∗ R∗
(
rm r

−

R∗
).
rm

The density of the cooled wind from Equation 3.24 for a dipole can be written as
ρc (r, µ)
= ṁb (µ∗ )
ρc∗

√
r/R∗ B(r, µ)
.
µδ
B∗

The µ factor in the downflow velocity has been replaced with the factor µδ =

(3.48)

√
µ2 + δ 2 /r2

to account for the downflow starting a finite distance (δ) from the loop apex due to
gravity taking over when the material slows. The value for δ is determined from MHD
simulations or comparisons to observations. The dipole equations explicitly give the
density
√
√
( )2
r/R∗ − 1 + µ2 1 + 3µ2
ρc (r, µ)
R∗
=√
.
ρc∗
µ2 + δ 2 /r2 (4r/R∗ − 3 + 3µ2 ) r

(3.49)

The temperature of the downflow material is not affected by the assumption of the field
geometry and remains approximately the stellar effective temperature.
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3.2.3

Determining the Predicted Luminosity

X-ray emission from the XADM model is determined using the analytical scalings derived in ud-Doula et al. (2014) for magnetic massive stars that contain only a DM. The
non-magnetized wind kinetic luminosity is written as Lkin = K/t = Ṁ V∞2 /2 and the
kinetic energy of the immediate post-shock material due to the shock is Ks = mvs2 /2.
The latitudinal distribution of the collisional energy converted to heat due to the shock
and then dissipated through radiative cooling is
dKs
dṁb 2
=
w .
dµ∗
dµ∗ s

(3.50)

This equation can be applied to a dipole field geometry by taking the derivative dṁb /dµ∗ .
Multiplying Equation 3.33 by the speed at the loop apex (wm ) and using the relation
wm = (1 − R∗ /rm )β = µβ∗ gives
)2
(
dKs
4µ2+4β
ws
∗
=
.
dµ∗
1 + 3µ2∗ wm

(3.51)

The fraction of energy emitted in the X-ray waveband above a threshold energy (Ex )
can be approximated to
∫

Ts

fx (Ts , Ex ) ≈
0

e−EX /kT

dT
.
Ts

(3.52)

This approximation was determined to be adequate in ud-Doula et al. (2014) by comparing a simple Boltzmann function with the fraction of the total temperature dependent
emission function (Λ(E, T )) from the apec model (discussed in detail in Chapter 6).
This integral is equal to
Ex

fx = e− kTs +

Ex
Ei (−Ex /kTs ),
kTs
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(3.53)

where Ei is the exponential integral Ei (−x) = −

∫∞
1

e−tx
dt.
t

The flux in terms of the

shock speed with Ts = T∞ ws2 and an X-ray photon energy ratio ϵxs ≡ Ex /kT∞ is
− ϵxs
2

fx = e

ws

+

ϵxs
Ei (−ϵxs /ws2 ).
ws2

For all of the closed magnetic field loops up to µc =

(3.54)

√
1 − R∗ /Rc , where Rc is the

closure radius derived in §2.3.1, the ratio of total X-ray luminosity to the wind kinetic
energy is thus
Lx
=
Lkin

∫
0

µc

(2+4β)

4µ∗
ws 2
) fx dµ∗ .
(
2
1 + 3µ∗ wm

(3.55)

The X-ray luminosity is calculated by multiplying by Lkin = Ṁ V∞2 /2. This equation for
Lx /Lkin is only valid for a dipole with a beta-law wind assumption and will be discussed
further in Chapter 5.

3.2.4

Summary

The XADM and ADM models provide an analytical approach for deriving the spatial
distribution of density, temperature and velocity, as well as determining the shock radius
and corresponding X-ray luminosity. A summary table of the general ADM parameters
are shown in Table 3.1. However, these models focus solely on slow rotating magnetic
stars with DMs. Implementation of these models in NA14 used spherical shock retreat.
In this dissertation, I focus on updating these models to address these key limitations.
I adapt the ADM/XADM models to include centrifugal acceleration as well as the
dipolar shock retreat in Chapter 5. In Chapter 6, the generalized ADM equations are
adapted for an arbitrary field loop and used to determine the spatial distribution of the
temperature and density along the arbitrary field lines of τ Sco.
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Table 3.1: Summary table for the components of the ADM model in the general
case.

Wind Upflow
S∗ < s < ss
R∗ β
vpre (s) = V∞ (1 − r(s)
)

Shock Conditions
ss
vs = vpre (ss )/4

Tpre ≈Teff

Ts = T∞ ws2

ρpre (s)
ρw∗

=

ṁb B(s)
w(s) B∗

Hot Post-Shock Material
ss < s < s m
B(s)
vpost (s) = vs ThT(s)
Bs
s
∫
3 ṁb Bs2 rm s(r)
Tpost (s) = Ts (1 − χ∞ w4 B∗ Bm R∗ s(rs )
s

ρs = 4ρpre (s)
Cooled Downflow
sm > √
s > S∗
vcool (s) = ve

R∗
r(s)

−

R∗
r(sm )

Tcool ≈√Tef f
r(s)/R∗
ρcool (s)
= ṁb vcool B(s)
ρc∗
B∗
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Ts
ρpost = ρs Tpost
(s)

Bm ds 1/3
)
B rm

Chapter 4
Reduction, Modeling and Results
from X-ray Data
In this chapter, I discuss observations from the European Space Agency’s (ESA) XMMNewton Space Telescope (XMM-Newton) and the National Aeronautics and Space Administration’s (NASA) Chandra X-ray Observatory (Chandra). I present the techniques
used for the extraction of associated spectra and the determination of the X-ray flux for
known magnetic B-type stars. An overview of these two telescopes is presented in §4.1.
I obtain new observations of five rapidly rotating magnetic B-type stars from XMMNewton that are good candidates for the overluminous region discussed in Chapter 1.
The observed luminosities for these stars are added to the XADM diagram in Chapter 5.
Therefore, in this chapter I discuss the data calibration and spectral extraction of the
stars in §4.2 and the spectral modeling and X-ray luminosity calculation in §4.4. I also
use Chandra data for two typical rapid rotators from the list compiled by NA14, which
I re-reduce (§4.3) and reanalyze (§4.4) as a basis for comparison.
Using observations from Chandra’s High Energy Transmission Grating (HETG),
I examine the high resolution spectra of τ Sco. These observations were previously
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extracted by collaborator Dr. David Cohen in Cohen et al. (2003) and a cursory description of the extraction is discussed in §4.3.3. I perform a new and more detailed
modeling of the hot plasma properties compared to Cohen et al. (2003), discussed in §4.4.

4.1

X-ray Telescopes

XMM-Newton is the largest scientific telescope built in Europe and was launched by
ESA in 1999. It has three photon imaging cameras named the European Photon Imaging
Cameras (EPIC), sensitive to energies from 0.2 keV to 12 keV. Two of the instruments
are Metal Oxide Semi-conductor (MOS) Charged Coupled Device (CCD) arrays. The
MOS instruments are located behind the two grating spectrometers and only receive
about 44% of the total flux. The other EPIC instrument is the ‘pn’ camera, which
receives the unobstructed flux. In this work I concentrate on the pn images due to the
low count rates of the MOS data.
Chandra was launched by the Space Shuttle Columbia in 1999 by NASA. The
telescope contains a High Resolution Camera (HRC) and an Advanced CCD Imaging
Spectrometer (ACIS). High Resolution Spectrometers can be used in combination with
the ACIS instrument for obtaining grating spectra (HETG and LETG). In this work I
reduce both the undispersed spectra for two rapid rotators, and HETG spectra for the
special case of τ Sco.

4.2

XMM-Newton Data Reduction

The stellar parameters and observation descriptions used in the data reduction are
given in Table 4.1. The ID number (Column 1) is the identification number used in
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Table 4.1: Observed targets with their stellar properties and the observation parameters
used with XMM-Newton.
ID

Name

(1)
34
55
59
60
62

(2)
HD 37776
HD 142990
HD 189775
HD 61556
HD 105382

a

Spec.
RA
Type
(J2000)
(3)
(4)
B2Vp 05 40 56.37044
B5V 15 58 34.86636
B5V 19 59 15.34618
B5V
07 38 49.869
B6III 12 08 05.22401

DEC
(J2000)
(5)
-01 30 25.8553
-24 49 53.3628
+52 03 20.4857
-26 48 13.80
-50 39 40.5728

NH (ISM)
d
(1022 cm−2 ) (pc)
(6)
(7)
0.004a
472
0.032
171
0.00
389
0.00
110
0.00
137

log(L⋆ /L⊙ )

3.5
2.9
3.2
2.6
3.0

(8)
± 0.1
± 0.2
± 0.2
± 0.1
± 0.2

Filter

Exp. Time
(ks)
(9)
(10)
Medium
14.4
Thick
5.0
Medium
9.0
Thick
5.5
Thick
7.0

E(B-V) value taken from van Leeuwen (2007a) not found in Petit et al. (2013)

Petit et al. (2013), Table 1. The HD number (taken from the Henry-Draper Catalogue),
the spectral types, right ascension (RA) and declination (Dec) are in Columns 2 through
5, respectively. The interstellar column (column 6) was determined using NH (ISM) =
5.8 × 1021 × E(B − V ) cm−2 (Bohlin et al., 1978) where the E(B − V ) is the color excess
taken from Table 4 of Petit et al. (2013). This will be used in the spectral modeling in
§4.4. Column 7 lists the distance to the stars, determined from Hipparcos parallaxes in
Petit et al. (2013), and used to determine the X-ray luminosities in Chapter 5. Column
6 is the bolometric luminosity taken from Table 4 in Petit et al. (2013). Columns 9-10
are the filters used and exposure time for the pn instrument.

4.2.1

Calibration

The data reduction for the XMM-Newton observations is performed using the Scientific
Analysis System (SAS) version v14.0.0 with calibration files from February 2015 and
recommendations made by the XMM-Newton Data Analysis Threads1 .
The raw uncalibrated observation data files (ODFs) are downloaded from the
XMM-Newton Archive 2 and the calibration files are downloaded from the XMM-Newton
1
2

SAS threads, see www.cosmos.esa.int/web/xmm-newton/sas-threads
www.cosmos.esa.int/web/xmm-newton/xsa
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Calibration Portal3 . The command cifbuild is used to select the calibration files for the
observation dates of the ODFs and then creates a Calibration Index File (CIF) that will
be applied to the raw data.
The command odfingest is used to create an analysis summary file, that includes all
the necessary information used in the SAS analysis, including the hard-drive location of
the ODF and CIF. Using the command epproc for the EPIC-pn observations, the ODFs
are reprocessed to obtain the calibrated event lists containing a list of the photons with
their energy levels and the time when they hit the detector.
The command evselect is used in various ways throughout the data reduction process. It is first used to look at the single event images and light curves to determine
whether there is a pileup effect. Pileup occurs when two or more photons are detected
as the same event and is important if the count rate is high enough that the probability of two photons arriving within the readout interval of the same detector pixel is
likely. None of the targets are significantly affected by pileup. Therefore, no pileup
correction is needed. The task evselect is used again to apply the standard filters with
PATTERN=0-12, to keep the best quality data, and a selected energy range of 0.2 to 15
keV to cover the entire XMM-Newton energy range.

4.2.2

Source Detection and Spectral Extraction

An attitude file is created using the task atthkgen. Event files for the “soft” X-ray regime
(0.5-2.0 keV) and the “hard” X-ray regime (2.0-10.0 keV) are created using the evselect
command. The command edetect chain is then performed to automatically execute all
of the detection commands at once. This command creates an exposure map and produces a list of “detections”, i.e. within a point spread function (PSF) width <12” and
3

www.cosmos.esa.int/web/xmm-newton/calibration

74

with a number of counts greater than the given threshold of 10 counts.
Using the coordinates of the targets, I determine whether the sources have enough
counts to be considered formal detections. The pn regions for the 5 sources are shown
in Figure 4.1 with four of the sources being detected (HD 37776, HD 61556, HD 105382,
HD 189775). The other source is not detected (HD 142990). For the non-detection, I
use a 90% detection limit to determine the count rates from the exposure maps created
with the edetect chain task. I determined a count rate of < 1.5 × 10−3 counts s−1 for
HD 142990. This count rate is considered an upper limit count rate (summarized in
Table 4.2).
Using the command evselect with withspectrumset=yes and a spectral bin size set
to 5 channels as recommended by the SAS Analysis Threads, the spectra are extracted
for each of the detected sources. I choose the source extraction region for the spectra to
be a circular region with a radius in physical coordinates of 300 pixels to cover the entire
source region. I also choose an annulus region for the background extraction region with
an inner radius of 750 pixels and an outer radius of 2500 pixels, in order to not include
any source pixels. Any other detected sources within the extraction regions are removed
manually using regions set in the extraction command. The extraction regions for the
4 detected sources are shown in Figure 4.2. For two of the detected stars (HD 61556,
and HD 205382), I am able to extract spectra. HD 37776 and HD 189775 do not have
enough counts (< 100) for a usable spectrum to be extracted, therefore the count rates
are taken from the exposure map created with edetect chain (7.7 × 10−4 counts s1 and
2.9 × 10−3 counts s1 ), summarized in Table 4.2 and are used for further analysis.
The command backscale calculates the background and source region area, used
in the extraction commands. Since the response of the EPIC instrument is complex and
varies across the field of view, a redistribution matrix file (RMF) is created with the use
of an auxiliary response file (ARF). These files characterize the response of the EPIC
instrument for input into spectral visualization and modeling programs. The commands
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(a)

(b)

(c)

(d)

(e)

Figure 4.1: Filtered event files with the detection regions from edetect chain in white and
the location of the target source in cyan. For HD 37776 (a), HD 61556 (b), HD 105382 (c)
and HD 189775 (e) the detection algorithm from SAS, with a threshold of 10 counts, found an
X-ray source at the location of the target. However, for HD 142990 (d) there is no detection.
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(a)

(b)

(c)

(d)

Figure 4.2: Source extraction regions for the 4 sources with detections shown by the cyan
circle. The green annulus shows the background extraction region and the green circles with
red lines are regions that are excluded from the background extraction.
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Table 4.2: The count rates for the one non-detection from the XMM-Newton observed stars. < represent upper limits for the non-detection. The other two stars have
a detection but an unusable spectrum.

ID
34
55
59

Name
HD 37776
HD 142990
HD 189775

Count Rates (counts s−1 )
7.7 × 10−4
< 1.5 × 10−3
2.9 × 10−3

used to create the redistribution matrix and the ancillary file are rmfgen and arfgen, respectively. With the necessary files created, I analyze and model the extracted spectra
in §4.4.

4.3

Chandra Data Reduction

For two rapidly rotating magnetic B-type stars (HD 64740 and HD 142184), I use
archival data from Chandra ACIS-S, the ACIS instrument with a 1x6 CCD array. The
data is downloaded from the Chandra Data Archive4 (CDA). The data from these stars
is reduced and the modelling will be compared to the results of NA14 in §4.4. Observation details and stellar parameters for these stars are compiled in Table 4.3. The data
reduction process, discussed in detail in this section, is performed using the Chandra
Interactive Analysis of Observations (CIAO) following the Chandra Analysis Guides5
and Science Threads6 .

4

cxc.harvard.edu/cda/
cxc.harvard.edu/ciao/guides/
6
cxc.harvard.edu/ciao/threads/index.html
5
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Table 4.3: Observation details for the two rapidly rotating B-type stars observed with Chandra.
ID

Name

(1)
26
47

(2)
HD 64740
HD 142184

4.3.1

Spec.
RA
Type
(J2000)
(3)
(4)
B1.5Vp 07 53 03.6
B2 V 15 53 55.8

Dec
(J2000)
(5)
-49 36 46.9
-23 58 41.1

NH (ISM)
(1022 cm−2 )
(6)
0.012
0.08

d
(pc)
(7)
350
130

log(L⋆ /L⊙ )
(8)
4.1 ± 0.3
2.8±0.1

Data
Time
Mode
(ks)
(9)
(10)
VFAINT
15
VFAINT
26

Calibration

The uncalibrated data was used to create a fully calibrated “level 2” event file. The first
step was to apply the command destreak that removes any “streak events” occurring
during the readout of the ACIS chips. A streak event occurs when a significant amount
of charge is deposited along rows of pixels as they are being read out. This task should
be performed with caution when observing a very bright source since some of the source
events could be mistaken for streak events.
A bad pixel file is created to determine pixels and instrumental artifacts that affect
the source events using the following steps:

1. acis build badpix task: identifies known pixels and columns with bad bias values
from the calibration files
2. acis find afterglow task: searches for hot pixels and cosmic ray afterglows, where
a large amount of charge is captured in a charge trap, defects in the CCD that
decreases the efficiency of the charge transfer
3. second execution of the acis build badpix task: marks the adjacent pixels to the
afterglows and hot pixels found in the first pass

The next step is to create a “level 1” event file with the current calibration files and
the command acis process events. Finally the level 2 event file can be created using the
following steps:
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1. Grades are assigned to each event during the on-board processing and determines the number of pixels and pattern in a 3x3 pixel configuration (5x5 in
VFAINT mode) around the maximum pixel associated with an event. Good
grades are considered 0, 2, 3, 4, and 6, while bad grades are 1, 5, and 7, which
are set standard in CIAO procedures7 . The task dmcopy with the parameters
[grade=0,2,3,4,6,status=0] is therefore used to filter the bad grades.
2. Times during which the mission parameters were within the acceptable range
are noted by a good timing interval parameter in the textsfacis filt1.fits file. The
task dmcopy is used again with the parameters [EVENTS][@acis flt1.fits][cols -phas],
which applies the good timing intervals.

4.3.2

Source Detection and Spectra Extraction

To produce an nondispersed spectrum for an individual star, a “zeroth order” analysis
is performed by first creating an exposure map using fluximage. This can be done on
observation mode, with or without the dispersion gratings. The task celldetect makes
a list of all of the sources that have a count rate higher than the threshold of 90% of
the counts from the exposure map. Both of the targeted sources are detected with this
task. The detection regions and target locations are shown in Figure 4.3.
The task pileup map is used to make a map that determines if pileup is more likely
to have occurred in these observations. If pileup does not occur, the pileup map should
be completely black, however, for the observations I do see some pileup occurring with
a fraction of ∼ 8% for HD 64740 and ∼ 20% for HD 142184. For a pileup fraction over
10%, I use an extraction region that does not include the peak emission region where the
pileup is likely to occur. The extraction region is shown in the left panel of Figure 4.4.
This will decrease the amount of flux that is extracted but still maintains the general
7

http://cxc.harvard.edu/proposer/POG/html/ACIS.html#sec:GRADES
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(a)

(b)

Figure 4.3: Source detection regions in white for the HD 64740 (left) and HD 142184 (right).
Both sources are detected in the white circle with their target coordinates in cyan.

spectral shape shown in the right panel of Figure 4.4, where the original spectra with
pileup is shown in red and the pileup corrected spectra is shown in black.

A PSF

is the shape of a point source on the detector. The shape and size vary at different
points on the telescope’s field of view and with the source’s energy distribution. A PSF
map is used to ensure that the chosen source extraction region covers most of the PSF.
A simulation of the PSF is obtained using ChaRT8 with the parameters (i) Off-axis
angle, (ii) the Azimuth, determined by the task dmcoords, (iii) a monochromatic flux,
(iv) energy of 0.8 keV and (v) a ray density of 0.1. ChaRT gives a file with PSF values
that are converted into a usable event file with the software MARX. After setting the
necessary parameters for the observations, the MARX code is used with the command
marx @@./marx.par. The output file is converted to a .fits file using marx2fits. This
synthetic PSF is used to adjust the extraction region.
The final step is extracting a spectrum using the command specextract. This task
8

http://cxc.harvard.edu/ciao/PSFs/chart2/runchart.html
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Figure 4.4: Left: the extraction region for the pileup corrected spectrum. Right: the original
spectra for HD 142184 in red and the pileup corrected spectra shown in black. The correction
for pileup decreases the counts when compared to the original spectra, but the shape of the
spectra is maintained.

extracts a source spectrum, a background spectrum and creates a RMF and ARF file
that are used for further analysis. The source extraction region and background region
for HD 64740 is shown in Figure 4.5. Once again, the source extraction region is a
circular region used to include all of the source photons, and the background region is
an annulus with radii at large enough distance to include only background photons and
no source photons. The spectra will be modeled in §4.4.

4.3.3

HETG Spectrum for τ Sco

For τ Sco, I use two archival HETG spectra from Chandra. For these observations
collaborator Dr. Véronique Petit performed the data reduction using the same steps
as above but with additional steps. Since HETG has two diffracted parts (MEG and
HEG), the spatial positions of the diffracted events need to be determined. Therefore,
after performing the data reduction as discussed above, the task tg create mask is used
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Figure 4.5: Source and background regions used in the extraction of the spectra for HD
64740 (left). The source region is in cyan and the background region is in green.

to determine the diffracted event positions based on the orientation of the spacecraft
and creates a file with the region shape, size and orientation in sky coordinates. The
task tg resolve events is used to assign spectral orders to the enclosed events, based on
comparing the wavelength of an event, considering its angular distance from the target
source, and the photon energy measured for the event by that ACIS detector. Finally,
the grating spectra is extracted using the task tgextract and also the RMF and ARF
files. The extracted spectrum is modeled in the following section.

4.4

Spectral Modeling

The X-ray photons we observe from the winds of single massive stars (both magnetic
and non-magnetic) come from plasma shock heated to >106 K. At these temperatures,
low Z elements are completely ionized, and astrophysically abundant mid-Z elements
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(such as Mg, Si, Ne) are generally H-like or He-like. For example, the electronic energy
structure of an H-like atom is the same as that of hydrogen, but since the binding energy
is larger, the whole level structure is scaled by Z2 . Therefore the Lyman alpha transition
of a e.g. Z=10 atom (Ne) is at a wavelength 100 time shorter than that of hydrogen,
and 1216 Å becomes 12 Å, located in the X-ray bandpass.
The typical density in stellar winds means that electrons in these highly ionized species are generally in the ground state, and the rate of collisional excitation is
smaller than the typical rate of spontaneous decay of the energy level, providing radiative cooling. The resulting spectrum in the X-ray bandpass is therefore only composed
of emission lines, that can be resolved with the HETG dispersion grating. With grating observations, such as that of τ Sco, we can therefore make detailed modeling of
the plasma temperature distribution, especially as many ionization stages of iron are
present, to distinguish between the effect of temperature and elemental abundance.
However, with nondispersed spectra, the individual lines are not resolved and the
resulting spectra is a composite of many emission lines. Therefore the modelling of the
plasma temperature distribution is less detailed, and is often parameterized with one or
two temperature components, as is done for the CM observations.
The spectral modeling program xspec (Arnaud, 1996) is used to analyze and
model the spectra. There are many models that can be used in xspec. In this instance,
I choose an Astrophysics Plasma Emission Code (apec) that predicts the spectrum of a
collisionally excited thermal plasma, such as the one described above. I combine these
apec models with wabs and phabs absorption models and solar abundances provided in
xspec from Anders E. & Grevesse N. (Anders & Grevesse, 1989). I use these specific
models to be consistent with NA14, although they are similar, despite using slightly
different cross sections. The first component (wabs) is for photo-electric absorption using Wisconsin cross-sections (Morrison & McCammon, 1983), developed for interstellar
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absorption9 , and is set to the column density of hydrogen for the ISM for each star
(NH (ISM), Table 4.1). The second component (phabs) is for photo-electric absorption
using Verner et al. (1996) cross sections, for non-relativistic photoionization of elements
from H through Si and S, Ar, Ca, and Fe, to allow for any local absorption due to
the stellar wind. I am not able to use more sophisticated wind absorption models (i.e.
Leutenegger et al. 2010), as they assume spherical wind geometry, which is not the case
for a magnetosphere.
Due to the low signal-to-noise ratio in the XMM-Newton spectra, I use the Loredo
statistics (Loredo, 1992) set by the parameter lstat, which uses Bayesian methods to
fit Poisson data. With the Chandra spectra, I am able to use χ2 -statistics. The key
parameters of an apec plasma model are the temperature of the plasma and the normalization factor. The temperature is given in units of kT in keV which correspond to
units in Kelvin by taking T [K] = kT /k where k = 8.617×10−7 keV/K is the Boltzmann
constant. The normalization factor is used to find the emission measure (EM ). The
EM is defined as
∫
EM ≡

ne nH dV

(4.1)

where ne is the electron number density and nH is the hydrogen number density. Within
xspec, the normalization factor is related to the EM by
10−14
norm[cm ] =
4π[DA (1 + z)]2
−5

∫
ne nH dV

(4.2)

where the DA is the angular diameter distance to the source in centimeters and z is
the redshift. Since all of the sources are galactic, z = 0 , and DA = d. The norm for
an apec plasma model can be related to the cooling function (Λ(E, T ), discussed in
§3.1) by the photon flux Fγ = Λ(E, T )norm/10−14 , this relation will be used further in
9

Interstellar reddening for X-ray photons is the absorption of X-ray photons with lower energies by
the dust in the ISM causing the spectrum to appear harder.
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Table 4.4: Best fit parameters for a fixed four temperature component spectral model (wabs×
phabs×Σapec) with temperatures set to kT=0.4, 0.6, 1.0, 4.0 keV and the normalization factors
allowed to be free. The best fit parameters for a one temperature component model with both
the temperature and the normalization allowed to be free. The NH (add) are found from the
phabs model.
Name

NH (ISM)
(1022 cm−2 )

HD 61556
HD 105382

0.00
0.00

HD 64740
HD 142184

0.012
0.08

Name

NH (ISM)

HD 61556
HD 105382

0.00
0.00

HD 64740
HD 142184

0.012
0.08

4 Temperature Fit
NH (add)
norm1(kT=0.4) norm2 (kT=0.6)
(1022 cm−2 )
cm−5
cm−5
XMM-Newton
(9± 9)e-02
(3±3)e-05
(2±4)e-06
(8±7)e-02
(3±2)e-05
(7±4)e-06
Chandra
0.00 ± 0.05
(2.7±1.4)e-05
(0.1±1.9)e-06
0.1±0.1
(0.4±2)e-05
(6±4)e-06
1 Temperature Fit
NH (add)
kT1
XMM-Newton
0.8±0.2
(11±2)e-02
0.9±0.1
(11.2±0.9)e-02
Chandra
0.53±0.09
(1.5±0.2)e-02
0.0±1
4.7±0.7

norm3 (kT=1.0)
cm−5

norm4 (kT=4.0)

stat(dof)

(1.1±0.6)e-05
(1.3±0.5)e-05

(0±2)e-05
(0±2)e-05

325.5(4076)
342.03(4072)

0±1
(0±4)e-06

0±1
(1.1±0.08)e-04

304.12(26)
111.14(67)

norm1

lstat(dof)

(3±5)e-02
(7±7)e-02

329.49(4078)
337.24(4047)

(2±3e-03)
(0±5e-06)

317.48(26)
116.22(69)

Chapter 6 to calculate Λ(E, T ).

4.4.1

Modeling Results

I modeled the spectra with two methods. First, a four temperature model is used with
fixed temperatures at kT=0.4, 0.6, 1.0 and 4.0 keV (corresponding to temperatures of
4.6, 6.9, 11.6, and 46 MK) and allowing for the normalization factors of each temperature to be adjusted (Table 4.4 top). The second method I use is a one temperature
model with the temperature and normalization factors both allowed to be adjusted (Table 4.4 bottom). The NH (ISM) is a fixed parameter while the NH (add) is adjusted.
Modeling Results: The pn spectra for both stars observed with XMM-Newton
are shown in Figure 4.6 where HD 61556 being the top two panels and HD 105382 the
bottom panels. The left panels show the four temperature fit with the combined fit in
black, kT=0.2 keV in blue, kT=0.4 keV in green, kT=0.6 keV in orange, kT=0.8 keV
in red. The shape of the spectra are different between the one temperature and four
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temperature models. Furthermore, the parameters are rather different. The one temperature model has a lower kT=0.011 keV than the lowest temperature component in
the four temperature model (kT=0.4 keV) However, the Loredo statistics show a small
difference with the four temperature model having a lower statistic and lower degrees
of freedom for HD 61556. On the other hand, for HD 105382, the one temperature
model has a lower statistic and lower degrees of freedom. The one temperature models
also have a higher NH (add). The NH (add) values are comparable to the NA14 XMMNewton values for the whole sample of stars, which range from 0.0-0.9×1022 cm−2 for
the XMM-Newton observations.
For the Chandra spectra, the four temperature and one temperature model show
different spectral shapes (Figure 4.7) and their statistics show that they are significantly
different. NA14 found a NH (add) of 0.0±0.02×1022 cm−2 and 0.05± 0.10×1022 cm−2 for
HD 64740 for the four temperature model and two temperature model10 , respectively,
and 0.40±0.07×1022 cm−2 and 0.01±0.04×1022 cm−2 for HD 142814. The values for
HD 64740 agree with that from NA14 in the case of the four temperature model and is
higher in the case of the one temperature model. For HD 142184 the values are lower
in the case of the four temperature model and agree for the one temperature model.
Therefore, I find that the four temperature models provide a better model of the spectral shape.
Flux Calculation: The X-ray ISM corrected flux is determined with the flux
command for the two different models within the energy range of the XMM-Newton
and Chandra bandpass of 0.5 keV to 10.0 keV (Column 3 of Table 4.5). The X-ray ISM
corrected flux for the soft region (0.5-2.0 keV), and the hard region (2.0-10.0 keV) of
the spectra were also determined using the flux command and are shown in Columns
4 and 5 of Table 4.5. I choose these regions because it has been observed that most
magnetic stars have peak emission around 1.0 keV but a few contain emission above
10

NA14 used two temperature models only in the case when a one temperature model was not a
significant fit.
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Table 4.5: The X-ray fluxes found for all of the stars. For the stars with spectra, the fluxes
for both temperature models are presented along with the soft and hard X-ray fluxes, which
are used to determine the HR. HD 189775 is the flux found from WebPIMMS. For the two stars
that are not detected, I find an upper limit flux using the exposure maps and WebPIMMS.

ID

Name

55
60
26
47

HD 105382
HD 61556
HD 64740
HD 142184

55
60
26
47

HD 105382
HD 61556
HD 64740
HD 142184

34
55
59

HD 37776
HD 142990
HD 189775

Fobs
Fobs
Fobs
HR
X (0.5-10.0 keV)
X (0.5-2.0 keV)
X (2.0-10.0 keV)
−2 −1
−2 −1
(ergs cm s )
(ergs cm s )
(ergs cm−2 s−1 )
4 Temperature Model
6.55e-14
6.258e-14
3.02e-15
0.05
5.42e-14
5.18e-14
2.39e-15
0.05
6.15e-14
6.09e-14
6.11e-16
0.01
1.67e-13
6.24e-14
1.05e-13
1.68
1 Temperature Model
6.2308e-14
6.2292e-14
1.5208e-17
2e-4
5.1546e-14
5.1535e-14
1.0749e-17
2e-4
6.11e-14
6.11e-14
3.33e-17
5e-4
1.79e-13
6.05e-14
1.19e-13
1.96
Other Sources
8.87e-16
<2.26e-15
3.74e-15

2.0 keV, meaning these regions provide information on whether these stars are outliers. These parameters are used to determine the hardness ratio (HR=FX (2.0 − 10.0
keV/FX (0.5 − 2.0 keV)), tabulated in Column 5 of Table 4.5.
For the XMM-Newton observations, the HR is comparable to other XMM-Newton
HR calculated by NA14, discussed more in Chapter 5. However, for the one temperature
model HR appears to be very low compared to the four temperature model but from the
spectra we see very few counts above 2.0 keV. Therefore, these stars have soft spectra.
The HR of the Chandra observations are comparable to those determined by NA14 for
these stars, except for the one temperature model of HD 64740. Although the model
fits the spectrum for HD 64740 well, we see that it has a very soft spectrum with little
emission about 2.0 keV.
Since the discrepancy in the observed X-ray fluxes from 0.5-10.0 keV for the two
models is not large, only the four temperature model is used for further analysis. The
total X-ray ISM corrected flux will be used in Chapter 5 to determine the observed
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X-ray luminosity from these stars. Since the NH (add) of the one temperature model
is higher, the intrinsic X-ray luminosity (e.g. before absorption in the wind) could be
higher when using the one temperature model. The X-ray luminosity predicted by the
XADM model does not take into account the absorption of the produced X-rays by the
cold material in the magnetosphere. Therefore, using the four temperature model that
has a negligible NH (add) for the XMM-Newton fits, gives a lower limit on the X-ray
flux.
For the three stars that do not have usable XMM-Newton spectra, the count-rates
taken from the exposure map created from edetect chain in the previous section are converted into the ISM corrected flux using WebPIMMS11 (Column 3 of table 4.5). When
using WebPIMMS, I select the XMM-Newton detector and filter used in the observations and select the converting to flux option. The input and output energy range is
0.5 to 10.0 keV. An apec 1.0 solar abundance model with an energy of 0.610 keV,
since the majority of magnetic spectra are in the soft X-ray region, is then used with
the NH (ISM) (Column 6 Table 4.1) to determine the ISM corrected flux. For the nondetection (HD 189775) the resulting flux is an upper limit, denoted by the < in Table 4.5.

4.4.2

A Special Case: τ Sco

For plasma with temperature ∼106 -107 K, iron has lines in the X-ray bandpass from
multiple ionization stages. These can be used to precisely determine the temperature
distribution of the plasma without ambiguity with element abundances. Therefore,
when fitting the spectrum from τ Sco, I focus on spectral regions with iron lines using
a model with six temperatures spaced out to provide a good sample of the emissivity of
each line (Cohen et al. in prep.). These temperatures are kT=0.11, 0.187, 0.318, 0.540,
11

https://heasarc.gsfc.nasa.gov/cgi-bin/Tools/w3pimms/w3pimms.pl
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Figure 4.6: XMM-Newton EPIC pn spectra for both stars with usable spectra (HD 61556 and
HD 105382) modeled with a four temperature apec plasma model using fixed temperatures.
The combined fit is in black, with the individual temperature components in the following: 0.2
keV in blue, 0.6 keV in green, 1.0 keV in red and 4.0 keV in purple. The 4.0 keV temperature
model does contribute a significant amount to the combined model. XMM-Newton EPIC pn
spectra for both stars with usable spectra (HD 61556 and HD 105382) modeled with a one
temperature component apec plasma model (black line).
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Figure 4.7: Chandra spectra for both stars with usable spectra (HD 64740 and HD 142184)
modeled with a 4 temperature apec plasma model with fixed temperatures. The combined
fit is in black, with the individual temperature components in the following: 0.2 keV in blue,
0.6 keV in green, 1.0 keV in red and 4.0 keV in purple. The 4.0 keV temperature model does
contribute a significant amount to the combined model. Chandra spectra for both stars with
usable spectra (HD 64740 and HD 142184) modeled with a one temperature component apec
plasma model (black line).
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0.919, 1.56 keV corresponding to T=1.26, 2.17, 3.69, 6.27, 10.7, and 18.1 MK.
Figure 4.8 shows the regions selected when fitting the model and individual temperature models set to a fixed normalization to show how these line complexes probe
individual temperatures. For the shorter wavelength regions (Figure 4.8a) the hotter
temperatures are prominent with little to no contribution from the lower temperatures.
As we go to longer wavelengths (Figure 4.8b), the hotter temperatures become less important for modeling these specific complexes and the lower temperatures are needed.
Therefore, these lines provide good diagnostics for the range of plasma temperatures
needed to probe the X-ray production of magnetically confined plasma. The He-like
line complexes are shown in blocks because they come in triplets that are not specifically included in the apec model and need separate detailed modeling. In Chapter 6
a quick description is provided to discuss how these He-like ions are used to determine
the distance from the stellar surface that X-rays are produced.
I thus fit the spectrum with this six temperature model using tbabs×Σ(bvapec).
The model tbabs is the Tuebingen-Boulder ISM absorption model which determines the
ISM absorption cross-section for X-ray photons (Wilms et al., 2000). The tbabs12 is set
to the ISM absorption (Table 4.6) calculated for τ Sco in Petit et al. (2013), using the
same method discussed in §4.2, to be Nh = 0.03 × 1022 cm−2 . The difference between
the apec (used in the previous modeling) and the bvapec models is due to the spectral
lines being resolved and the need to include broadening as a parameter. The parameters
are:
• plasma temperature in units of energy (keV)
• abundances of He, C, N, O, Ne, Mg,Al, Si, S, Ar, Ca, Fe, and Ni, with respect to
the solar abundance (Asplund et al., 2009) and allowed to be free
• redshift, set to 0 for the galactic sources
12

tbabs is newer and used here as I am looking at different diagnostics than NA14 for this specific
star, therefore, we do not need to use the same model.
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(a)

(b)

Figure 4.8: Two of the regions used for the temperature modeling of the HETG
spectra from τ Sco, with individual temperature models using the same normalization
for the six temperatures, used later on to fit the spectrum. The temperature models
illustrate how various spectral lines are most susceptible to the higher temperatures.

• the Gaussian sigma for velocity broadening set to 139 km s−1
• the normalization factor (norm), provides the emission measure from Equation 4.2

The best fit parameters are shown in Table 4.6. χ2 fit statistics are used because of the
high count rates. I find a reduced χ2 of 1.26 out of 918 degrees of freedom, providing a
statistically good fit to the spectrum. Figure 4.9 shows the combined fit (black line) and
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Table 4.6: Best fit parameters for the six temperature plasma model used to model the
HETG spectra of τ Sco. The six temperatures used for the model in units of energy are
kT=0.11, 0.187, 0.318, 0.540, 0.919, 1.56 keV.
ID
11

Name
norm1
τ Sco 1.2±0.5e-02

norm2
1.7±1.7e-03

norm3
7.0±1.1e-03

norm4
3.9±0.5e-03

norm5
4.8±0.4e-03

norm6
1.6±0.2e-03

χ2
1.26 (918)

the temperature components of the fit (colored lines). We see that these spectral lines
are best modeled by the higher temperatures in the blue and cyan colors. Therefore,
shock temperatures will need to reach these temperatures when producing the observed
X-ray photons, discussed further in Chapter 6
Looking at the individual fit parameters from Table 4.6, the EM is calculated
by rearranging Equation 4.2 to get

EM = norm

4π[DA (1 + z)]2
10−14

(4.3)

where the DA is found using the distance in Table 4.1 multiplied by 3.086 × 10+18 cm
to get the DA in centimeters. The EM was calculated for the fit parameters listed in
Table 4.6 using Equation 4.3 and the distance of τ Sco from NA14 of 180 pc.
The calculated EM values are shown in Figure 4.10 and compared to the EM
determined by Wojdowski & Schulz (2005). The calculated EM follows the same trend
of decreasing EM with higher temperatures. The temperatures are not as high as those
used in Wojdowski & Schulz (2005), but we expect that the EM will drop off quickly at
higher temperatures and be less important in modeling the HETG spectrum. Therefore,
I find that the fit parameters and temperatures used are an appropriate choice for the
modeling of the spectrum for the analysis in this dissertation. These temperatures will
be compared to models in Chapter 6.
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Figure 4.9: HETG spectrum for τ Sco from Chandra. The combined six temperature
apec plasma model is shown in the black line. The individual temperature components are shown in the color scheme with the darker blue going to high temperatures.
This models shows that most of the spectral lines need higher plasma temperatures
in order to occur in the stellar atmosphere.

95

Figure 4.10: Left: τ Sco DEM for the six temperature model fit in to the HETG
spectrum. Right: DEM determined for multiple stars by Wojdowski & Schulz (2005)
with τ Sco being the second from the lowest line. The DEM shows a similar trend,
however the temperatures I use do not extend to such high temperatures as used in
Wojdowski & Schulz (2005).

4.5

Summary

I obtained and reduced five new observations from XMM-Newton and two stars previously observed with Chandra for rapidly rotating magnetic B-type stars. The XMMNewton data produced four new detections of X-ray photons from the stars HD 37776,
HD 189775, HD 61556, and HD 105382, with usable spectra from the latter two. The
spectra were modeled for all of the stars with spectra, and the flux and HR were calculated. For stars without usable spectra or detection, the count rates from exposure
maps were converted to flux, as upper limits. The fluxes for all of the XMM-Newton
stars will be used to determine the observed X-ray luminosity and help to further the
analysis of the rapidly rotating magnetic massive stars in Chapter 5. I obtained archival
data for τ Sco from the Chandra HETG instrument, which provides a high resolution
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spectra that I modeled with a six temperature apec model to determine the temperatures necessary to produce the spectral features. The temperatures from this model
will be compared to predictions in Chapter 6.

97

Chapter 5
Rapid Rotators
To understand the overluminous region in the XADM diagram and constrain the models
for rapidly rotating magnetic stars, I address some key improvements made to the star’s
stellar and magnetic parameters as wells as modifications to the theoretical models.
These updates affect both the predicted and observed X-ray luminosities. In §5.1, I
first add the new observations discussed in Chapter 4 to the XADM diagram and then
address the modernized stellar and magnetic parameters from Shultz et al. 2018 and
Shultz et al. (in prep.) in §5.2. Finally, I turn attention to the specifics of the XADM
model in determining the predicted X-ray luminosity. More specifically, the XADM
model is updated to include (i) dipolar shock retreat (§5.3), (ii) a modified efficiency
scaling that could be more appropriate for rapid rotators (§5.4) and (iii) a more robust
implementation of the effect of centrifugal acceleration (§5.5). Throughout the following discussion, I rely heavily on the the XADM diagram, discussed in Chapter 1, to see
how well each of the modifications enable a better match between the predicted X-ray
luminosities and the observations.
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Figure 5.1: Left: original XADM diagram taken from NA14 and discussed in detail
in Chapter 1. Right: The XADM diagram updated with the new observations of five
rapidly rotating magnetic stars, indicated by the numbers. #55 is a non-detection
that has an upper limit, wheras #34, #59, #60, and #62 are the detections. The color
scheme depicts how large of a CM the stars have, with the darker pink representing a
larger CM.

5.1

New Observations

Using the parameters from NA14, I calculated the observed X-ray luminosities from
the X-ray fluxes, found in Chapter 4, for the newly obtained X-ray observations from
XMM-Newton. These values are then added to the XADM diagram. Following NA14,
I calculated the predicted X-ray luminosities using the XADM model with a spherical
wind approximation to find the shock radius, as discussed in Chapter 3. I then determined the observed X-ray luminosities using Lx = 4πd2 Fx with the ISM corrected fluxes
obtained in Chapter 4. and the distances listed in Table 4.1.
The updated XADM diagram, including the new observations, is shown in Figure 5.1. The new stars are labeled with their ID numbers taken from Petit et al. (2013).
#60 is found to be overluminous, #62 is only slightly overluminous, #59 is close to
the predicted luminosity, and #34 is well below the one-to-one line. The color scheme
of the XADM diagram depicts how large the CM is, with the darker pink being a
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Figure 5.2: The hardness ratio compared to the size of the star’s CM (log(RA /RK ))
taken from NA14 with the new XMM-Newton observations shown in red triangles.
The new observations have HR comparable to the majority of the other stars. The
red dashed lines shows the transition between the DMs (to the left of the line) and
the CMs (to the right of the line). The overluminous stars in the XADM diagram are
shown in the blue circles. Most of the rapid rotator overluminous stars have harder
spectra compared to the other stars.

larger CM, and the white representing stars with only a DM. Since all four stars have
a 0.0 < log(RA /RK ) < 0.5, it is unexpected that only one of the stars is overluminous.
The upper limit for #55 is also shown in the diagram, indicated by its ID number, and
is below the one-to-one black line.
In Figure 5.2, I compare the hardness ratio (HR= Fx (2.0 − 10.0 keV)/Fx (0.5 − 2.0
keV)) for the two XMM-Newton stars with spectra to the HR from all the detections
in NA14. The new observations are comparable to the HR for most of the other stars
in NA14, using the ISM corrected flux. However, looking at how the HR compares to
the CM size (log(RA /RK ), we see softer spectra for stars with only a DM (left of the
red line). When the stars have a high enough rotation rate to create a CM (to the right
of the dashed red line), there is a significant scatter in the HRs. Two of the largest
CMs and overluminous stars (#45 and #47) have much harder spectra than the other
stars. Perhaps the harder spectra could be a consequence of the centrifugal acceleration
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causing higher shock temperatures.

5.2

Stellar and Magnetic Parameters

Shultz et al. (2018) and Shultz et al. (in prep.) performed a population study of 52
magnetic B-type stars observed with spectropolarimetric observations from the MiMeS
survey. This study provided updated magnetic and stellar properties for 20 of the stars
included in NA14. In this section, I discuss the stellar and magnetic parameters presented in Shultz et al. (2018) and Shultz et al. (in prep.). Each parameter will affect
the resulting X-ray luminosity in different ways. Therefore, I present a detailed analysis
of how these updates differ from those in Petit et al. (2013) and NA14, what important
XADM parameters will be changed and, finally, a comparison of the resulting X-ray
luminosities.

5.2.1

Gaia corrected Distance

With the release of the Gaia Data Release 2 (Gaia DR2; Gaia Collaboration et al. 2018),
the parallaxes for a large number of stars are available with higher precision than before.
Shultz et al. (in prep.) obtained Gaia DR2 parallaxes and compared these with those
from Hipparcos (Perryman et al., 1997; van Leeuwen, 2007b) and those used in Petit
et al. (2013). They determined that the distances agreed within 3σ of the Hipparcos
error bars for most of the stars. However, for bright stars and multiple star systems,
Gaia DR2 is known to be less accurate (Gaia Collaboration et al., 2018). Therefore,
Gaia DR2 parallaxes were only used for stars with a V magnitude less than 6 and not
known to be a multiple star system. Otherwise, Hipparcos parallaxes were used. Within
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Figure 5.3: Left: Distance comparison for the distances from NA14 and from the
Gaia DR2. Right: Observed X-ray luminosity comparison from NA14 and updated
with the Gaia DR2 distances.

our sample of stars with X-ray observations, there is only one star HD 37061 for which
Shultz et al. used cluster distance instead of Hipparcos or Gaia DR2.
Since the errors for the parallaxes are relatively small (∼0.1 mas), I use the rudimentary calculation relating the distance in parsecs to the parallax (d∼1/p), to compare
the updated distances to those in Petit et al. (2013). As can be seen in Figure 5.3, the
distances are not significantly different for those updated with Gaia DR2 for our sample. Using these new distances, I recompute the observed X-ray luminosities from the
ISM-corrected fluxes in NA14. As can be seen from the right-hand panel of Figure 5.3,
we only found discrepancies less than an order of a magnitude in comparison to the
observed luminosities from NA14. The updated XADM diagram with the observed Xray luminosities adjusted for the Gaia DR2 distances is presented in Figure 5.4. The
distances do not significantly change the observed X-ray luminosities.
However, the change in distance will also have a large implication on the stellar,
rotational and magnetospheric parameters due to their dependence on the bolometric
luminosities, which in turn affects the predicted X-ray luminosities. The updates to
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Figure 5.4: Left: The original XADM diagram with the new observations. Right:
The XADM diagram with updated observed X-ray luminosities for the Gaia DR2
distances.

these key parameters and their effects on the predicted X-ray luminosities are discussed
in the following section.

5.2.2

Stellar Radius

From the new observations and using the Gaia DR2 distances, Shultz et al. (in prep.)
calculated the bolometric luminosity (Lbol ) and the effective temperature (Teff ). These
values were then used to determine the stellar radius (R∗ ) by

R∗ /R⊙ =

√
(Lbol /L⊙ )/(Tef f /T⊙ )4 .

The change in R∗ will affect the predicted X-ray luminosities by changing the RA and
the cooling parameter χ∞ .
I compare the updated R∗ with those calculated in Petit et al. 2013 and used in
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Figure 5.5: A comparison of the R∗ values from Shultz et al. (in prep.) and those
from Petit et al. (2013). For some of the stars, the improved R∗ values have discrepancies of 80-90%.

NA14 (Figure 5.5). Some of the updated values are found to be smaller than those from
Petit et al 2013, while others are larger. For some of the stars, the discrepancies are
80-90% of their R∗ value. These improvements will lead to changes in the RA values
and subsequent extent of the magnetic confinement as well as the extent of the shock
retreat through the χ∞ used in the XADM/ADM model.

5.2.3

Magnetic Field Strength

Shultz et al. (2018) determined the longitudinal magnetic field using new spectropolarimetric observations from the MiMeS survey. Using the inclination to the line of sight
(i) and the longitudinal magnetic field (< Bz >), the polar surface magnetic field was
calculated from the dipolar oblique rotator model, discussed in Chapter 2. A comparison of the magnetic field from Petit et al. (2013) and the updated magnetic field from
Shultz et al. (2018) is shown in Figure 5.6. The arrows denote those stars with lower
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Figure 5.6: A comparison of the magnetic field from new observations obtained by
Shultz et al. (2018) and those determined by Petit et al. (2013). The arrows represent
those stars with only lower limit magnetic field values. #12 and #26 are the two stars
that have a large discrepancy in their magnetic field values.

limits for the magnetic field calculation. The updates do not change the magnetic fields
significantly except for #26 HD 64740, which has a much lower magnetic field from
Shultz et al. (2018) than Petit et al. (2013). HD 64740 is a rapid rotator that is found
below the one-to-one line in the XADM diagram. This will affect the size of the CM for
HD 64740 as well as predicted X-ray luminosity. On the other hand, #12 HD 37061 is
determined to have a larger magnetic field strength than originally found in Petit et al.
(2013)

5.2.4

Mass-Loss Rates

Vink et al. (2001) provides a prescription for determining the mass-loss rate (Ṁ ) and
terminal velocity (V∞ ) based on the stellar metallicity (Z⊙ ), Teff , Lbol , and M∗ . Shultz
et al. (in prep.) set the metallicity equal to the solar metallicity (Z⊙ =1) and use the
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Figure 5.7: Left: Mass-loss rate comparison for the improved Vink recipe from Shultz
et al. (in prep.) and the Vink recipe from Petit et al. (2013). Right: A comparison
of the mass-loss rates for the updated Vink recipe and the Krtic̆ka recipe from Shultz
et al. (in prep.).

updated Teff , Lbol and M∗ values to determine Ṁ and V∞ . Krtička (2014) also provides
Ṁ and V∞ using non-local thermodynamic equilibrium wind models for main sequence
B-type stars. These results are tabulated for Teff between 14 and 30 kK and linearly
interpolated to determine the values for individual stars with Ṁ scaled as L2bol . As
it is unclear which of these wind parameter prescriptions provides the most accurate
determination for B-type stars, I compare both of them in this section.
Figure 5.7 compares the corrected mass-loss rates for the Vink recipe with those
used in NA14 (left panel). There is a large scatter between the updated Vink massloss rates, which will lead to changes in the predicted X-ray luminosity. Comparing
these updated Vink mass-loss rates to Krtic̆ka mass loss rates (right panel Figure 5.7),
confirms Shultz et al. (in prep.) findings that the Krtic̆ka mass-loss rates are typically
an order of magnitude lower than the Vink mass-loss rates. However, Shultz et al. (in
prep.) suggests that the Krtic̆ka mass-loss rates for cooler stars leads to more realistic
spindown timescales, discussed in Chapter 1, than the Vink recipe.
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Figure 5.8: Left: V∞ comparison for the improved Vink recipe from Shultz et al. (in
prep.) and the Vink recipe from Petit et al. (2013). Right: A comparison of the
V∞ for the Vink recipe and the Krtic̆ka recipe from Shultz et al. (in prep.).

5.2.5

Terminal Velocity V∞

V∞ is computed for both the Vink and Krtic̆ka recipes. Therefore, I compare the
improved V∞ from Shultz et al. (in prep.) to those in Petit et al. (2013) in the left
panel Figure 5.8. #12 is shown as a major outlier, likely to significantly affect its
magnetic parameters. Figure 5.8 compares the Vink values from Shultz et al. (in prep.)
to the Krtic̆ka values (right panel). Here, we see significant scatter between the different
prescriptions.

5.2.6

Alfvén Radius RA

The updates to the stellar, wind and magnetic parameters have a range of impacts on the
magnetic confinement of these stars and on the size of their CMs and DMs. Figure 5.9
(left) shows the comparison of the RA values from Shultz et al. (in prep.) and those
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Figure 5.9: Left: RA comparison for the improved Vink recipe from Shultz et al. (in
prep.) and the Vink recipe from Petit et al. (2013). Right: A comparison of RA values
for the updated Vink recipe and the Krtic̆ka recipe from Shultz et al. (in prep.).

from Petit et al. (2013) using the Vink recipe for Ṁ . The values are similar for most
of the stars. The star with the largest discrepancies, #12, has a smaller V∞ , which
is expected and likely due to a combination of Bp and the dependency of RA on V∞ .
As our predicted X-ray luminosity calculation depends on the extent of the magnetic
confinement, this could play a large role in the X-ray production.
I compare how the Krtic̆ka mass-loss rates would affect the RA values with respect
to the updated Vink RA values (right panel of Figure 5.9). As expected from the lower
mass-loss rates, we determine larger RA values from the Krtic̆ka recipe for the highest of
the RA values since RA ∼ Ṁ −4 . However, this does not explain the larger discrepancies
in the predicted X-ray luminosities, discussed in the following §5.2.10.
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Figure 5.10: Left: χ∞ comparison for the improved Vink recipe from Shultz et
al. (in prep.) and the Vink recipe from Petit et al. (2013). Right: A comparison of
χ∞ values for the updated Vink recipe and the Krtic̆ka recipe from Shultz et al. (in
prep.).

5.2.7

Cooling Factor χ∞

The cooling factor (χ∞ ) used in the XADM model is a main parameter in determining
the extent of the shock retreat, and subsequent post-shock parameters. It is dependent
on V∞4 , Ṁ and R∗ . χ∞ values between ∼0.1 and ∼1000 have a large effect on the
structure of the magnetosphere (see Figure 5.14). For values above and below this
range, the effect saturates. In the left panel of Figure 5.10, I compare the χ∞ using the
modified Vink V∞ , Ṁ and the updated R∗ value from Shultz et al. (in prep.) with that
found in Petit et al. (2013). There is some scatter caused by the previous discrepancies
in V∞ and Ṁ . The large scatter in the V∞ comparison between the Vink values and
the Krtic̆ka values also leads to significant discrepancies in the shock retreat, which is
more important in the case of Krtic̆ka. This is shown in the comparison of the Vink
and Krtic̆ka χ∞ comparison, right panel Figure 5.10.
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Figure 5.11: A comparison of the RK values from Shultz et al. (in prep.) and those
determined by Petit et al. (2013). The updated rotational parameters do not change
the RK values significantly, except for #15.

5.2.8

Kepler Co-rotation Radius RK

Shultz et al (in prep.) updated the rotational periods for some stars in the sample from
the period, inclination and radius. The updated periods were then used to calculate
the RK values to determine the DM vs CM status of each magnetosphere (discussed in
§2.2). The updated values are compared to those from Petit et al. (2013) in Figure 5.11.
Most of the stars seems to have a slightly larger RK value, except for #15 HD 46328,
which was determined by Shultz et al. (in prep.) to have a much slower rotational period
than the corresponding vsini that was used in Petit et al. (2013) and should be taken
as upper limit.
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5.2.9

Size of CM

In the XADM diagram, the size of the CM is represented by the color scale. I compare the updated log(RA /RK ) with Vink RA values to those found in Petit et al.
(2013) in the left panel of Figure 5.12. The blue box shows the stars that had DMs
(log(RA /RK )<0.0) with the RA and RK values from Petit et al. (2013) and now have
CMs (log(RA /RK )>0.0.) with the values from Shultz et al. (in prep.) and vice versa
for the green box. Only one star lies in the green box, #35 and none lie in the blue
box. The adjustments are small when considering the Vink recipe. I compare the updated Vink log(RA /RK ) values to those from the Krtic̆ka recipe in the right panel of
Figure 5.12. Here there is much more scatter, which is expected since there was also
more scatter in the RA comparison. The blue and green boxes again show those stars
that have switched between a DM and CM status for the two models. #18 and #39
have become DMs, while #21, # 35, #59 and #60 have become CMs with the Krtic̆ka
Recipe. This change in statues is a result of the Krtic̆ka RA values differing from the
Vink RA values for those with larger RA .

5.2.10

XADM Diagram

Taking the preceding updates into consideration, I implement the new parameters into
the XADM diagram. The original XADM diagram from Figure 5.3, with the Gaia DR2
updated observed X-ray luminosities and the new observations, is shown for reference
in the top panel of Figure 5.13. The bottom left shows the predicted X-ray luminosities
with the improved stellar and magnetic parameters using the Vink recipe from Shultz
et al. (in prep.). Here we see a decrease in the scatter and an alignment of the stars
closer to the 100% efficiency line. However, some of the stars remain slightly overluminous and there appears to be no separation of the CMs from the DMs, suggesting the
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Figure 5.12: Left: log(RA /RK ) comparison for the improved Vink recipe from Shultz
et al. (in prep.) and the Vink recipe from Petit et al. (2013). Right: A comparison of
log(RA /RK ) values for the updated Vink recipe and the Krtic̆ka recipe from Shultz
et al. (in prep.). The blue squares represent stars that were a DM in the Shultz et
al. (in prep.) Vink case and switched to a DM in the Petit et al. (2013) or Krtic̆ka
case. The green squares represent those that switched from a DM to a CM for the
same cases.

overluminosity is less dependent on rotation.
In the bottom right panel of Figure 5.13, I use the predicted X-ray luminosity
with the updates for the Krtic̆ka values. The Krtic̆ka recipe introduces more scatter and
decreases the predicted X-ray luminosities drastically for some stars. However, there
appears to be more dependence on the X-ray luminosity to the CM/DM status. Therefore, a more detailed examination of the XADM models and the underlying assumptions
is needed and will be examined below.

5.3

Dipolar Shock Retreat

The XADM model used for the predicted X-ray luminosities in NA14 applies a spherical
approximation scaling for the shock retreat, discussed in Chapter 3, in which the stellar
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Figure 5.13: Top: The original XADM diagram with the observed X-ray luminosity
updated using the Gaia DR2 distance and including the new observations. Bottom
Left: The XADM diagram with the new stellar and magnetic parameters using the
Vink recipe from Shultz et al. (in prep.) and Shultz et al. (2018) to determine the
predicted X-ray luminosity. Bottom Right: The XADM diagram with the predicted
X-ray luminosity calculated from the Krtic̆ka stellar and magnetic parameters from
Shultz et al. (in prep.) and Shultz et al. (2018).
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Figure 5.14: A schematic to compare the shock radius for a spherical wind approximation for the shock retreat (green) and the dipolar shock retreat (blue). I use four
values for χ∞ and see that for these parameters, the dipolar shock retreat increases
the shock radius for all four of the χ∞ .

wind moves radially outward when determining the shock front location. Since the
magnetic fields of massive stars are mostly dipolar, adopting a dipolar shock retreat
that takes into account the fact that the wind is channeled along the dipolar field loops
would be a more accurate assumption when determining the shock front location and
the post-shock parameters. The dipolar shock retreat is derived in Chapter 3.
I compare the shock radius for the spherical shock retreat to that of the dipolar
shock retreat along the closed field loops for various χ∞ (Figure 5.14). For this particular
set of parameters, the spherical shock retreat produces lower shock radii for all of the
χ∞ values. Applying this modification to the stars in the XADM diagram, I compare
the dipolar shock retreat radius to that from the spherical wind assumption in the left
panel of Figure 5.15. The smallest discrepancy is 0.022 R⊙ with an R∗ = 4.73 R⊙ for
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Figure 5.15: A comparison of the shock radii for the stars in NA14 and our two
new observations using the spherical shock retreat assumption and the dipolar shock
retreat.

#35 and the largest being 2.73 R⊙ with an R∗ =2.8 R⊙ for (#47).
By implementing the dipolar shock retreat into the XADM diagram (Figure 5.16),
it is shown that, as expected from the ud-Doula et al. (2014), the dipolar shock retreat
assumption does not make a significant difference in the predicted X-ray luminosity
values. The specific examples mentioned above (#35 and #47) only correspond to about
∆log(Lx )=0.021 and 0.17, respectively. The maximum change in Lx is ∆ log(Lx ) = 0.38
for (#21) with ∆R∗ =1.31 R⊙ . For the most part, assuming the stellar wind is being
channeled along the magnetic field lines in a dipolar configuration versus expanding
spherically is not significant when determining the shock retreat and corresponding
luminosity.
I compare how the χ∞ values compare for the stars in the XADM diagram by
modifying the color scheme of the darker pink, the larger χ∞ in Figure 5.17. Here, it
shows that most of the stars have χ∞ > 10. Therefore, the overluminosity does not
appear to be caused by wrongly estimated χ∞ .
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Figure 5.16: Top: The original XADM diagram with the Gaia DR2 observed X-ray
luminosities and the new observations. Bottom Left: The XADM diagram including
the improved stellar and magnetic parameters using the Vink recipe. Bottom Right:
The XADM diagram with the Krtic̆ka values.
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Figure 5.17: The XADM diagram using the Vink values from Shultz et al (in prep.)
(left) and the Krtic̆ka values (right) to determine the predicted X-ray luminosity. The
color scheme has been updated to the χ∞ value of the star. We see that most of the
stars have large χ∞ values (> 10).

5.4

X-ray Efficiency Scaling

The next step in our investigation is to revisit the X-ray efficiency scaling, and determine
whether it is justified for fast rotators. Based on the X-ray luminosity predicted by MHD
simulations, ud-Doula et al. (2014) determined that an efficiency factor of 10% should
be added to the XADM prediction. This reduced efficiency seen is due to the interaction
of the infall of the trapped material with the wind upflow, and the resulting quenching
of the X-ray production in a certain fraction of field loops. This is clearly seen in
simulations of DMs for slow rotators.
Since the MHD simulations were performed for slow rotators, perhaps this scaling
does not apply for CMs. For rapid rotators, the added centrifugal acceleration that
allows for the build up of material in the CM above the Kepler co-rotation radius (RK ),
as discussed in Chapter 2, will prevent the interaction between the downflow and upflow
material. Therefore, we could assume a different efficiency factor for the centrifugally
supported regions for rapid rotators.
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Figure 5.18: Left figure: Side view of a dipolar field with a CM in light blue and
a DM in light green. The R∗ ,RK and RA of the star are shown in the vertical lines.
Right figure: polar view of the same star.

Figure 5.18 presents a schematic of the emission region within a magnetosphere.
The left panel shows the side view of a dipolar field with the CM region in light blue and
the DM region in light green. The right panel shows the polar view of the same star.
Since the star is rotating and the emission is in a plane, we can assume a circular region
of emission, not a sphere. However, this makes the assumption that we have a small
χ∞ and subsequent small post-shock region. Another assumption is that the rotational
axis is aligned with the magnetic field axis. If this was not the case, the shock region
would not be planar, as discussed in the RRM model in Chapter 2.
We can scale the X-ray luminosity with the size of the CM. To do this, I use
the circular area for the DM ( RK 2 -R∗ 2 ), the area for CM (RA 2 -RK 2 ), and the total
magnetosphere area (RA 2 -R∗ 2 ). The size of the CMs differ between each rapidly rotating
star due to the relative location of their RA and RK , as seen in Figure 5.19. Specifically
for the stars that are overluminous, there is a variety of CM sizes. However, the three
largest CMs (#31, #45, and #47) are found to all be overluminous in NA14. Therefore,
we propose a modification to the efficiency factor, with a scaling by size of the CM for
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Figure 5.19: A schematic of the dipolar field loops for all of the stars in the XADM
diagram with a CM. The RA is shown by the red field line, the RK is the black field
line and the dipolar shock retreat is in the green line. The grey shading shows the
extent of the CM region. Here we see the large variety of CM and DM areas for
this group of stars. The three stars with the largest CMs,#31, #45 and #47, are all
overluminous.
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stars with a log(RA /RA )> 0.0. We do so by applying a different efficiency factor for the
DM (ϵDM ) and for the CM (ϵCM ) on the corresponding areas. The X-ray luminosity
derived by the XADM model (LXADM ) can thus be adjusted by the efficiencies using
the equation
(
Lx = Lxadm

)
2
2
2
− RK
)
ϵDM (RK
− R∗2 ) + ϵCM (RA
,
2
(RA
− R∗2 )

(5.1)

where ϵDM =0.10 is the efficiency applied for the slow rotators with a log(RA /RK )<=0.0
and ϵCM is the efficiency factor applied to the rapid rotators log(RA /RK )>0.0.
Since a very limited number of MHD simulations have been done for rapid rotators,
the efficiency factor is not yet constrained and could be related to the size of the CM.
Therefore, I use an ϵCM value of 0.1, 0.5, and 1.0 to see how this new scaling will adjust
the X-ray luminosity. I start by taking the XADM diagram with no scaling, shown in
the top left panel of Figure 5.20. Here, everything is radiating at 100% and we see that
with the new parameters and the Vink Ṁ , some stars already have an observed X-ray
luminosity larger than the 100% efficiency predicted. Therefore, any scaling I apply to
these stars will not fix their overluminosity. When I apply the 10% efficiency (top right
panel), we recover the original XADM diagram, with the overluminous region. I then
use a 50% CM efficiency while keeping the DM efficiency at 10% (bottom left). We
see here that the rapid rotators with the largest CMs (log(RA /RK )>1.0) start to move
closer to the one-to-one line. Taking this one step further, using a 100% CM efficiency
while keeping the DM efficiency set to 10%, moves the large CMs even closer to the oneto-one line. However, the smaller CMs with log(RA /RK )>0.5 and log(RA /RK )>0.0, do
not move as drastically. This scaling helps with the overluminosity of the largest CMs
but creates a region of underluminous stars instead.
The same efficiency scalings are now calculated for the updated stellar and
magnetic parameters with the Krtic̆ka recipe, shown in Figure 5.21. As we go to a 100%
efficiency scaling for the CMs, we see the scatter lessen but it still remains very large.
Therefore, we turn our attention to implementing the rapid rotational physics into the
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Figure 5.20: The XADM diagram using the dipolar shock retreat and the improved
stellar and magnetic properties using the Vink recipe discussed in the previous section. We start in the top left panel with no scaling applied to the predicted X-ray
luminosities. I then present the scaling used in NA14 with everything scaled to 10%
efficiency in the top right panel. I adjust the efficiency scaling for the CM to 50%
and 100% in the bottom left and right panels, respectively, while keeping the DM
efficiency at the 10% assumed from the MHD simulations.
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Figure 5.21: The XADM diagram using the Krtic̆ka mass-loss prescription with no
scaling shown in the top left panel. I once again keep the DM efficiency at 10% and
adjust the CM efficiency from 10%, 50% and 100% in the top right, bottom left and
bottom right panels, respectively.

models.
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5.5

Centrifugal Acceleration

Since the XADM and ADM models discussed above focus solely on rotation slow enough
for its dynamical impact to be negligible, the next approach is to include the centrifugal
acceleration and its effect on (i) the pre-shock velocity and density in the upflow component of ADM, and (ii) the location of the shock radius, the resulting shock temperature
and subsequent X-ray luminosity. As a first order approximation, I start by determining
how the centrifugal acceleration will affect the velocity of a parcel of material as it moves
along a co-rotating magnetic field line in the wind upflow region.

5.5.1

Analytic Centrifugal Magnetosphere (ACM) Model

For the DMs, the approximation of the beta-law velocity was used to take into account
the force of gravity Fgrav and the radiative driving force Frad on a parcel of material
as it moves along the magnetic field line. The resulting kinetic energy represents the
work done on a parcel of material by Fgrav + Frad , when moving the parcel from the
stellar surface to a position r. Frad is complex, especially in a tilted dipolar configuration, however the beta-law velocity is a reasonable approximation (Owocki & ud-Doula,
2004).
In Townsend & Owocki (2005), it was determined that as the material moved along
a rigid, co-rotating field line, it only felt the forces Fgrav , Frad and the centrifugal force
(Fcent ), giving a total force of Ftot = Fgrav + Frad + Fcent . As discussed in Chapter 2,
under the rigid field approximation, the Coriolis force and the Lorentz force were determined to not affect the parcel because they remain perpendicular to the direction of
the magnetic field.
We can use the relationship between the work done on the parcel and the total
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forces acting on the material Wtot =

∫

Ftot · dℓ, where dℓ denotes the path length. The

total work can then be denoted by Wtot = Wgrav + Wrad + Wcent . In the case of slow
rotation and a DM, we have a total work of WDM = Wgrav + Wrad . The total work for
the CM is Wtot = Wgrav + Wrad + Wcent = WDM + Wcent , therefore, we need to determine
∫
Wcent = Fcent · ds. The centrifugal force is Fcent = Ω × (Ω × r), where Ω is the constant
angular velocity, which gives
∫

∫
Fcent · dℓ =

∫
Ω × (Ω × r) · ds =

Ω2 r sin θds.

(5.2)

Since θ and r are both changing along the field loop, we can make the substitution
xdx = rsinθdr. The integral becomes
∫

r sin θ

1
Ω2 xdx = Ω2 (r2 sin2 θ − R∗2 sin2 θ∗ ).
2
R⋆ sinθ∗

Wcent =

Wcent can be written in terms of RK using Ω2 =

Wcent =

Using the dipolar relation

r
R∗

=

(Equation 2.26)

GM∗ 2 2
(r sin θ − R∗2 sin2 θ∗ ).
3
2RK

1−µ2
1−µ2∗

Wcent =

GM∗
3
RK

=

sin2 θ
sin2 θ∗

(5.3)

(5.4)

and multiplying by R∗3 /R∗3 we get

GM⋆ R⋆3
sin2 θ⋆ (r3 /R⋆3 − 1).
3
2R⋆ RK

(5.5)

To find the velocity due to the centrifugal force, we use the relation between the total
work and the change in kinetic energy as the parcel moves along the field line (Wtot =
∆KE). The total work is Wtot = WDM + Wcent and ∆KE = KE(r) − KE(R⋆ ), where
the kinetic energy at the stellar surface is assumed to be KE(R∗ ) = 0. Therefore, we
get WDM + Wcent = KE(r). From the ADM model, we know that WDM = KE(r) =
1 2
V (1
2 ∞

− R⋆ /r)2 with the velocity being assumed to be a beta-law (v = V∞ (1 − 1/r)β )
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with β = 1. Using this we get a kinetic energy for the rapidly rotating case of

KECM (r) = KEADM +

2
=
Using vesc

GM⋆
2R⋆

GM⋆ R⋆3
sin2 θ⋆ (r3 /R⋆3 − 1).
3
2R⋆ RK

(5.6)

we find
√

wCM = vCM /v∞ =

2 /v 2 (
wDM (r)2 + 2vesc
∞

R∗ 3 2
) sin θ⋆ (r3 /R∗3 − 1),
RK

(5.7)

where vesc /v∞ ≈ 1.3 for a typical B-type star (Vink et al., 2001).

5.5.2

Velocity Along the Field Line

In Figure 5.22, I compute the velocity along two field loops: one in the DM region
(smaller than red line) and one in the CM region (larger than red line), where RK is
shown in the red dotted line. In the lower two panels, I show a comparison of wDM with
wCM . Although the centrifugal component increases the velocity at radii less than the
RK , it has the largest effect at radii greater than the RK value.
For the centrifugal forces to have the largest effect on the shock velocity, a star
with a shock front located well into the CM region is needed. We see in Figure 5.19,
that the stars with the largest CM and fastest rotation have a dipolar shock radius that
is below or near to their RK . Therefore, we expect that adding the wCM to the wind
upflow for these stars will not change their Lx significantly, unless the addition of the
rotation significantly modifies the location of the shock front.
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Figure 5.22: A comparison of the velocity for a field loop that is considered in the
DM of the magnetic star (inner field loop in top panel) and for a field loop in the CM
(outer field loop in top panel). The velocity along each field line can be calculated and
is compared in the two bottom plots. The middle plot compares the velocity along
the DM field loop and the bottom plot compares the velocity along the CM loop. The
velocity including the centrifugal boost is plotted in green while the beta law velocity
from the ADM model is plotted in blue.

5.5.3

Shock Retreat

In the original ADM model, discussed in Chapter 3, the Fgrav was not taken into account
when determining the post shock parameters because the material was assumed to be
isobaric. This means that only the energy conservation equation is used in finding the
extent of the shock retreat. Therefore, the total effect of centrifugal acceleration can not
be taken into account by adjusting the velocity law. We would need to jointly put the
gravity term back into the momentum conservation equation to address this fully. As a
first order approximation, I ignore the post-shock Fgrav and Fcent , to see what happens
to the shock retreat if we simply change the pre-shock velocity and keep the post-shock
material isobaric.
I calculate the extent of the shock retreat and the subsequent shock radius using
both the wDM and wCM velocities in Figure 5.23 for RK values of 1.3 R∗ and 2.0 R∗ .
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Figure 5.23: Comparison of the shock retreat using wDM in blue and the wCM in
green. An RK value of 1.3R∗ is shown in the left panel with the red vertical line and
an RK value of 2R∗ is in the right panel.

The effect of the shock retreat becomes more pronounced for the wCM case. Overall,
the centrifugal velocity causes the shock to retreat to smaller radii for all of the χ∞ .
However, for smaller χ∞ , where the shock occurs at radii greater than RK , there is a
larger difference in the shock retreat. These results agree with our thought that a larger
χ∞ results in a smaller discrepancy in the shock retreat between the two velocities, due
to the shock occurring below the RK value.

5.5.4

X-ray Luminosity with the ACM Update

I determine the predicted X-ray luminosity using the same prescription discussed in
Chapter 3. However, the calculation for the kinetic energy (Equation 3.50) was obtained
with an implicit beta-law velocity at the apex of a field line for a non-shocked stellar wind
(vpre (rM )). When implementing the wCM , this is not an accurate scaling. Therefore,
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Figure 5.24: Comparison of the original XADM diagmra (left) and the X-ray luminosity from the ACM model with a 10% efficiency over all (right).

the equation for calculating the X-ray luminosity becomes
Lx
=
Lkin

∫
0

µc

4µ2∗
(ws )2 fx dµ∗ ,
1 + 3µ2∗

(5.8)

where I have removed the wm dependence.
The ACM updated X-ray luminosity, including the updated stellar and magnetic
parameters and the dipolar shock retreat, is compared to the predicted X-ray luminosity
for all of the stars in NA14 and the new detections from this paper (Figure 5.24). Implementing the centrifugal acceleration into the ADM model decreases the predicted X-ray
luminosity and reduces the scatter within the XADM diagram. This is an important
improvement to the ADM model and justifies that it is necessary to include the fully
gravitational and centrifugal forces in the post-shock region.
I compare the original XADM diagram using the ACM model with an adjusted
color scheme to represent χ∞ . Here, we see that the majority of the stars have a large
χ∞ and are therefore likely to have a large shock-retreat region.
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Figure 5.25: Comparison of the original XADM diagmra (left) and the X-ray luminosity from the ACM model with a 10% efficiency and the color scheme changed to
show χ∞ .

5.6

Summary

In this Chapter, I have examined in detail improved stellar and magnetic parameters
determined by Shultz et al. (in prep.) and Shultz et al. (2018). These parameters included the Gaia DR2 distances and their effects on both the observed and predicted
X-ray luminosities. The Lbol , Teff and Bp parameters were updated. The Vink and
Krtic̆ka mass-loss prescriptions were compared. From these recipes, I determined that
the Vink mass-loss rates provided less scatter in the predicted X-ray luminosities but
lessened the CM size dependence. Where as the Krtic̆ka mass loss rates caused a larger
amount of scatter that is more dependent on the CM size.
I then turned the attention to the details of the XADM/ADM model. Here I
implemented the dipolar shock retreat, which caused very minor adjustments to the
predicted X-ray luminosities. I then examined the efficiency scaling added to the ADM
model and adapted it to an appropriate scaling for rapid rotators. However, this adjustment to the predicted X-ray luminosities does not fully fix the overluminous stars.
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Finally, I developed and implemented a new velocity law that takes into account
the centrifugal acceleration in the pre-shock wind. This modification helped the predicted X-ray luminosity in the XADM diagram. However, this is only a first order
modification for the centrifugal physics. In order to fully take into account centrifugal
acceleration, we need to include the gravity in the post-shock parameters which was
neglected due to the isobaric assumption in the XADM model.
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Chapter 6
τ Sco: A Slow Rotator with a
Complex Field Configuration
τ Sco (HD 149438) is a B0.2 V star with a rotational period of 41 days and a magnetic
field of ∼0.20 kG that is more complex than expected for a fossil field (Donati et al.,
2006b). ESPaDOns spectrapolarimetric observations were obtained by Donati et al.
(2006b) and used to measure the longitudinal field (Bl ) of τ Sco. Zeeman techniques
combined with the LSD method, allowed for the measurement of circular polarization
in the spectral lines (discussed in Chapter 1). Figure 6.1 shows the Bl variation over
the rotational phase (dots) along with a double sine model (line), representing a dipole
plus quadrupole magnetic field. Donati et al. (2006b) observed that the magnetic field
of τ Sco was significantly more complex than that expected for a fossil field.
Using the dipolar field assumption of the ADM model (Chapter 3) with the
spherical wind approximation, the magnetic parameters were calculated by Petit et al.
(2013) to be RK = 4.6 R∗ and RA = 1.8 R∗ giving log(RA /RK ) = −1.05, reinforcing
that τ Sco does not have fast enough rotation to create a CM (Petit et al., 2013).
Despite this star only having a DM, it is observed to be overluminous in X-rays when
131

Figure 6.1: The longitudinal magnetic field for τ Sco determined by Donati et al.
(2006b) (dots) over the rotational phase. The black curve shows a double sine model
fit to the data.

compared to the XADM prediction (denoted by #11) in the original XADM Diagram
(Figure 1.6).
In this chapter, I delve into the magnetic field configuration and its effect on the
shock parameters and subsequent X-ray luminosity to determine why this star could
have a higher observed X-ray emission than predicted by the XADM/ADM models. I
start by examining the magnetic field of τ Sco in §6.1 and comparisons to observations
in §6.2. A direct comparison of how the X-ray luminosity from the XADM model would
change for various RA is presented in §6.3. I then adapt the ADM model to apply to an
arbitrary magnetic field configuration in §6.4 and discuss how this affects the post-shock
parameters in §6.5. These results are then used to determine how the X-ray emission is
affected by the magnetic field configuration (§6.6).
Collaboration Statement: A journal article is currently in preparation to discuss
many of the topics covered in this chapter, with the help of collaborators. Dr. David
Cohen provided new calculations of the f/i ratio measurements discussed in §6.2 due
to a miscalculation in Cohen et al. (2003). Dr. Rich Townsend performed the field
extrapolation using Fortran (§6.1). Dr. Véronique Petit produced the X-ray light
curves §6.6. These collaborators aided in my adaption of the XADM model for an
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arbitrary field (§6.4). I provided the temperature fitting discussed in Chapter 4 and
the application and interpretation of the Arbitrary-ADM (A-ADM) for the field lines of
τ Sco (§6.5).

6.1

The Complex Magnetic Field

Using ZDI, discussed in Chapter 1, the surface field topology can be reconstructed as the
sum of a potential and toroidal field. The topology maps determined by Donati et al.
(2006b) for τ Sco are shown in Figure 6.2. The color coding represents the flux values
in Gℓm and the radial component (top) is expressed in the coefficient aℓm , discussed
further in this section. The extrapolation of this field from the magnetic field expressed
as a sum of spherical harmonics is discussed in this section.
Using the surface field as a constraint, the magnetic field loops can be extrapolated
to give a three dimensional model, with the assumption that the field can be expressed
as the gradient of a scalar potential B = −∇ΦB (Jardine et al., 1999). Therefore, in
spherical coordinates, we obtain a magnetic field vector described as

B=−

1 ∂ΦB
1 ∂ΦB
∂ΦB
r̂ −
θ̂ −
ϕ̂,
∂r
r ∂θ
r sin θ ∂ϕ

(6.1)

where r̂, θ̂, ϕ̂ are the unit vectors for the radial, polar and azimuthal direction, respectively. Since ∇ · B = 0, the magnetic field must therefore satisfy Laplace’s equation, −∇2 ΦB = 0. Using separation of variables, the solution ΦB = R(r)Θ(θ)Φ(ϕ) of
Laplace’s equation can be expanded by a sum of spherical harmonics:

ΦB =

∑ m=ℓ
∑

(aℓm rℓ + bℓm r−ℓ−1 )Yℓm (θ, ϕ),

ℓ>0 m=−ℓ

133

(6.2)

Figure 6.2: The radial (top), azimuthal (middle) and meridional (bottom) field
topology maps for τ Scofrom Donati et al. (2006b). The star is depicted in a flattened
polar projection with the equator denoted by the thick black circle and the dashed
circles representing parallels to the equator. The radial ticks represent the phase
observations. The color code show the flux values labeled in Gℓm , discussed further
in this section.
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where Yℓm (θ, ϕ) are the normalized spherical harmonics, ℓ is the harmonic degree and
m is the azimuthal order.
In order to determine the coefficients aℓm and bℓm , we must use boundary conditions. The first boundary condition is that the magnetic field is along the radial direction
at r = R∗ , and equal to the radial component of the observed field Brobs . This yields
two conditions Brobs = B(r = R∗ ) · r̂ =

∂ΦB
∂r

Equation 6.2, we calculate the derivative

and Bθ (r = R∗ ) = Bϕ (r = R∗ ) = 0. Using

∂ΦB
,
∂r

which gives the equation

∑ m=ℓ
∑
dΦB (r = R∗ )
obs
= Br =
(−ℓaℓm R∗ℓ−1 + (ℓ + 1)bℓm R∗−ℓ−2 )Yℓm (θ, ϕ).
dr
ℓ>0 m=−ℓ

(6.3)

′

∗
Multiplying both sides by the complex conjugate Yℓm
and integrating both sides over
′

the solid angle dΩ, the equation becomes
∫
∫
∑∑
′∗
ℓ−1
−ℓ−2
m′ ∗ m
(ℓaℓm R∗ + (−ℓ − 1)bℓm R∗ ) dΩYℓ′ Yℓ = dΩYℓm
Brobs = Gℓm . (6.4)
′
ℓ

m

We can go one step further and express the observed Brobs as a set of spherical harmonics
so that
Brobs (θ, ϕ) =

∑∑
ℓ

where the coefficient Gℓm =

∫

Gℓm Yℓm (θ, ϕ),

(6.5)

m

dΩYℓm∗ Brobs , which we can calculate from the field topology

maps and is equal to the right hand term of Equation 6.4.
∫
′∗
Therefore, using orthonormality of Yℓm dictates that dΩYℓm
Yℓm = δℓℓ′ mm′ , where
′
δℓℓ′ mm′ is the Dirac delta function

δℓℓ′ mm′ =

⎧
⎪
⎪
⎨1, if ℓ = ℓ′ , m = m′ ,
⎪
⎪
⎩0, if ℓ ̸= ℓ′ , m ̸= m′ .
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(6.6)

We can thus retain only the coefficients that have the same ℓ and m values as the Brobs
giving us
Gℓm =

∑∑
(ℓaℓm R∗ℓ−1 + (−ℓ − 1)bℓm R∗−ℓ−2 )
ℓ

(6.7)

m

Thus Equation 6.4 can be calculated from the observed field by obtaining the equation
for the coefficients
− ℓaℓm R∗ℓ−1 + (ℓ + 1)bℓm R∗(−ℓ−2) = Gℓm .

(6.8)

Each equation has two unknown variables, therefore we need another equation to determine the values for the aℓm and bℓm coefficients.
A possible boundary condition would be when r → ∞, B → 0. Repeating the
previous steps for

lim

r→∞

∑∑
ℓ

(ℓaℓm r

ℓ−1

+(−ℓ−1)bℓm r

−ℓ−2

∫
)

′∗
dΩYℓm
Yℓm
′

∫
=

′

∗ obs
dΩYℓm
Br = Gℓm . (6.9)
′

m

gives a coefficient equation of ℓaℓ′ m′ ∞ℓ−1 + (−ℓ − 1)bℓ′ m′ ∞−ℓ−2 = 0 which can only be
satisfied if all aℓ′ m′ = 0. However, this boundary condition does not prove realistic
in the determination of the coefficients since we know that the wind will rip the field
open at RA . Therefore, it is better to use a boundary condition where the field lines
become radial and follow the wind profile at radii above the RA . In order to do this,
we define a “source radius” (Rsource ) corresponding to the apex radius of the last closed
field loop, similar to RA but for an arbitrary field configuration. The magnetic field
at Rsource is assumed to be completely radial. Using Bθ (r = Rsource ) =
Bϕ (r = Rsource ) =

1 ∂ΦB
ϕ̂
r sin θ ∂ϕ

1 ∂ΦB
θ̂
r ∂θ

= 0 or

= 0 for any values of θ and ϕ and similar processes as with

the first boundary condition, results in the condition:

ℓ
(−ℓ−1)
aℓm Rsource
+ bℓm Rsource
= 0.
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(6.10)

For the magnetic field at radii larger than the Rsource , we adopt the field of a slip
monopole B = Br (Rsource )( Rsource
)2 r̂, where Br (Rsource ) is the radial strength at the
r
source radius.
With a given Rsource value, the coefficients are determined from Equations 6.8 and
6.10. For Gℓm = 0 the coefficients are found to be aℓm = bℓm = 0. For Gℓm > 0, the
coefficients are
Gℓm
ℓ + (ℓ + 1)( Rsource
)2ℓ+1
R∗
Gℓm
= −R∗(ℓ+2)
.
−(2ℓ+1)
)
(ℓ + 1) + ℓ( Rsource
R∗

aℓm = −R∗−(ℓ−1)
bℓm

(6.11)

The Gℓm values are calculated numerically using the Brobs magnetic surface topology
maps from Donati et al. (2006b).
Once one obtains the aℓm and bℓm coefficients, the B(r, θ, ϕ) is known and the
loops can be traced using the field loop equation. For a dipole field loop, we trace this
using the ordinary differential equation functions in Python shown in Figure 6.3. For
τ Sco, the 3D loops that are more complex than a dipole are traced using a Fortran
code provided by Dr. Rich Townsend.
The last closed field loop depends directly on η∗ and therefore the mass-loss rate.
Mass-loss rates for main sequence B-type stars are uncertain, especially for magnetic
stars as discussed in Chapter 1. Therefore, Donati et al. (2006b) used a mass-loss rate,
Ṁ = 2 × 10−8 M⊙ yr−1 , in the middle of predicted values (e.g. Mokiem et al. 2005;
Repolust et al. 2005) and the relation Rc = 0.5 + 0.7(η∗ + 1/4)1/4 , Equation 2.39, to
estimate the corresponding Rsource . The stellar parameters assumed by Donati et al.
(2006b) were V∞ = 2000 km s−1 , R∗ = 5.2 ± 0.5 R⊙ with a polar magnetic field strength
of Bp = 300 G. These values correspond to an η∗ ∼ 46.6 and an Rsource ∼ 2.33 R∗ .
The parameter modifications discussed in Chapter 5 did not change significantly for
τ Sco. Therefore, updating these parameters with the parameters from Petit et al.
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Figure 6.3: A few dipole field loops traced using ordinary differential equation functions in Python.

(2013), (V∞ = 2176 km s−1 , R∗ = 5.6 R⊙ , and Bp = 200 G) and keeping the initial Ṁ
from Donati et al. (2006b), we determine η∗ ∼ 22.0 and Rsource ∼ 2.06 R∗ . The field
extrapolation using the same parameter as Donati et al. (2006b) (Figure. 6.4) shows the
complexity of τ Sco’s magnetic field.

6.2

Previous Observational Comparisons

For closed field loops that are as close to the stellar photosphere as determined in the
field extrapolation by Donati et al. (2006b), Ignace et al. (2010) expected that periodic
variation would be observed in the X-ray spectra. Ignace et al. (2010) performed a
multiphase study of τ Sco using data from the Suzaku X-ray Imaging Spectrometer1
(XIS) instrument, with a similar bandpass to Chandra, and obtained observations at
1

heasarc.gsfc.nasa.gov/docs/suzaku/about/xis inst.html
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Figure 6.4: A visualization of the field extrapolation with the same parameters as
Donati et al. (2006b) discussed in § 6.1. The field lines (black) are shown at rotational
phases of 0.25 and 0.83 and are shown to be more complex than those of the dipolar
magnetic fields discussed in Chapter 5.

six almost equally spaced phases of the 41 day period of τ Sco shown in Figure 6.5.
Surprisingly, the phased observations do not show any significant X-ray variability from
the three XIS instruments, indicative of closed field loops that extend further from the
stellar photosphere than proposed by Donati et al. (2006b).
Cohen et al. (2003) obtained a Chandra HETG spectrum for τ Sco. These observations were used to determine where the shock-heated plasma was located using a
typical diagnostic called the f/i ratio.
A useful diagnostic for determining the distance from the photosphere where X-ray
photons are produced is the f/i ratio. In X-ray spectra, He-like lines, ionized to have two
remaining electrons (i.e. Ne IX, Mg XI, Si XIII, etc.), produce triplets with so-called
resonance, intercombination and forbidden components. The ratio of the intensity of
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Figure 6.5: Total count rates for 6 rotational phase observations taken with the
3 XIS instruments on Suzaku from Ignace et al. (2010). The plot shows no X-ray
periodicity. The colored region shows the root mean square error of the data.

the transition from the forbidden spectral line to the intercombination spectral line is
related to the ambient UV radiation field. The UV photons from the stellar surface
photo-excite an electron in the forbidden level into the intercombination level before
the electron has time to decay from the forbidden level to the ground state. Therefore,
as there is a higher flux of UV photons closer to the stellar surface, more electrons
will be in the intercombination state than the forbidden. This is observationally seen
as a weaker forbidden line and a stronger intercombination line. At radii further from
the photosphere, the flux of UV photons will decrease along with the probability of
this photo-excitation, and the forbidden line will be stronger and the intercombination
weaker (Gabriel & Jordan, 1969a,b; Blumenthal et al., 1972).
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Figure 6.6: The HEG (top left) and MEG (top right) resonance, intercombination
and forbidden lines (left to right, respectively) for Mg XI. The f/i ratio of these lines
predicts that X-ray photons are being produced at a radius of 2.65 R∗ , shown by
the bottom panel with the dotted line. Here the solid black line is the relationship
of the f/i ratio and the X-ray emitting plasma. The green shading represents the
measurement uncertainty.

The ratio of the forbidden-to-intercombination lines and the UV flux at wavelengths for specific transitions allow us to calculate a fiducial distance for the shockheated plasma from the photosphere. A revised f/i ratio for Mg XI was determined by
collaborator Dr. David Cohen from high resolution spectra, presented in Chapter 4. The
line complexes from both the Chandra High Energy Grating (HEG) and the Medium
Energy Grating (MEG), as well as the estimation of the X-ray production radii are
shown in Figure 6.6. These f/i ratios show that the X-ray production is likely coming
from a region around ∼ 2.65 R∗ , a larger radius than expected by the 2 R∗ source radius,
excluded at the 1σ level.
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Both of these observational comparisons show that the field loops assumed by the
2 R∗ source radius in Donati et al. (2006b) are too small. In addition, Cohen et al.
(2003) suggested that it would be difficult to reconcile the high temperatures used to
model the HETG spectrum with the small field loops presented by Donati et al. (2006b).
Therefore, we expand the models to have a source radius of 3 R∗ , 4 R∗ and 5 R∗ . Comparisons of these source radii are discussed in §6.5.

6.3

Comparisons to Dipole Field Loops

In order to determine the predicted X-ray luminosity, the XADM model (Chapter 3)
assumed dipolar field lines with an RA determined by the magnetic and stellar parameters of the star (Equation 2.12). The RA determined by NA14 (discussed in §6.1) is
1.8 R∗ . Although we presented improved stellar and magnetic parameters in Chapter 5,
the X-ray luminosity for τ Sco did not drastically change. We therefore keep the NA14
parameters for τ Sco as a starting point for the 2 R∗ source radius in this chapter.
Since we expect the last closed field loop to be larger than that assumed by Donati et al. (2006b) and NA14, we first use the dipolar model and set the closure radius
to a given source radius of 2 R∗ , 3 R∗ , 4 R∗ , and 5 R∗ . From this we determine how
the shock retreat and the X-ray luminosity would change assuming a dipole for the four
different source radii.
When determining the source radius, we use the relation between RA and η∗ , where
η∗ depends on several parameters (Bp , Ṁ , V∞ , R∗ ). Therefore, if we set a larger closure
radius, one or more of these parameters would have to be changed accordingly. In Figure 6.7, we compare how the changes in these parameters affect the closure radius. The
colors (blue, green, red) represent changes of the R∗ value within its uncertainty. The
transparency, from transparent to solid corresponds to V∞ values of 1500, 2000, 2500 km
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Figure 6.7: A comparison of how the changes in parameters used to calculated the
source radius for τ Sco affect the source radius. The top grouping of lines corresponds
to a ∼4 R∗ source radius and the bottom a ∼2 R∗ source radius. The colors blue,
green, and red represents an R∗ =4.8, 5.6, 6.4 R⊙ . The transparency from transparent
to solid represents the V∞ =1500, 2000, 2500 km s−1 .

s−1 , respectively. The group of curves at the bottom all have the Vink Ṁ =2.4×10−8
M⊙ yr−1 , while the top curves have a Vink Ṁ =1.58×10−9 M⊙ yr−1 . We see that the
changes in Bp , R∗ and V∞ need to be larger than their estimated uncertainties in order
to get the difference we need in the source radius. The parameter then can be adjusted
to get a larger source radius is Ṁ . This relation is RA ∝Ṁ (1/4) , and therefore we need a
substantial change in Ṁ , which is not an issue given the large uncertainty in the values.
However, Ṁ in turn creates a large change in the cooling factor (χ∞ ), and therefore we
need to be self consistent in the Ṁ values we use (see §6.4).
Figure 6.8 shows a comparison of the observed X-ray luminosity to the predicted
X-ray luminosities assuming the new closure radius and a self consistent mass-loss rate.
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Figure 6.8: A comparison of the observed X-ray luminosity taken from NA14 and
the predicted X-ray luminosities for an RA set to the four source radii, using the
original XADM model. The X-ray luminosity determined by NA14 is shown in the
blue triangle.

We also show where the original X-ray luminosity from NA14 lies in comparison to these
new calculations. Here, we use the Vink values from NA14 to calculate the X-ray luminosity starting with the 2R∗ mass-loss rate used in Donati et al. (2006b). We see that
the smaller the source radius the higher the predicted X-ray luminosity, which can seem
rather counterintuitive at first glance. The 2 R∗ source radius is close to the one-to-one
line for the XADM diagram. However, the questions of shock temperature large enough
to reproduce the spectral features needs to be addressed.
In order to determine why this occurs, I show the spatial location of the shock
front for the last closed field loop for each of the source radii in Figure 6.9. From this,
we see that the shock radius for the largest field loop in the case of Rc ∼2 R∗ (point
(a)) is much higher above the photosphere than that of the location of the shock on the
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same loop for the larger source radii (point (b)). We also see that the shock radius on
the largest field loop in the 5 R∗ source radius (point (c)) is lower than for the largest
field loop in 2 R∗ . This is due to the change in the cooling efficiency from the adjusted
mass-loss rates. Since a loop with a 2 R∗ apex value will be present with the larger loops,
this figure provides a good visual for how the shock temperature will retreat down the
2 R∗ field loop, with the smaller mass-loss rates and larger χ∞ needed to satisfy the
larger RA values.
Since the cooling parameter (χ∞ ) for each of the source radius cases is essential to
determine the location of the shock front, I compare how the shock temperature of the
largest field loop (left panel) and the predicted X-ray luminosity (right panel) change
with an increasing cooling efficiency in Figure 6.10. For the X-ray luminosity, we set the
mass-loss rate to be consistent with the source radius. The cyan lines show a constant
V∞ =1500, 2000 and 2500 km s−1 . Here, it shows that the smaller shock radius has
larger X-ray luminosities when comparing the same χ∞ values, and we can achieve the
observed X-ray luminosity (black horizontal line) for this source radius. However, the 2
R∗ source radius does not provide shock temperatures large enough as seen in the spectra models (black horizontal line), discussed in Chapter 4, nor does it address the lack
of variability found in Ignace et al. (2010). Perhaps we need to take into account the
complexity of the field loop when determining the shock parameters and X-ray luminosity in order to achieve both high post-shock temperatures and a high X-ray luminosity,
as seen in the case of τ Sco.

6.4

The Arbitrary ADM Model

In order to more accurately determine the shock parameters along the arbitrary field
lines of τ Sco, I adapt the ADM formalism (Chapter 3) for an arbitrary field geometry.
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Figure 6.9: The extent of the magnetosphere for an RA = 2 R∗ , 3 R∗ , 4 R∗ and 5
R∗ used to compute the X-ray luminosity shown in Figure 6.8. The shock retreat for
each field loop is shown by the inner lines. We can directly compare how the shock
front will retreat down the field loop for a smaller mass-loss rate using the black dots
along the 2 R∗ field line. Point (a) is the shock radius on the largest loop in the
source radius 2 R∗ . Point (b) is the shock radius of a field loop with an RA =2 R∗
but calculated for the 5 R∗ source radius. Point (c) is the shock radius for the largest
loop in the 5 R∗ source radius.
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(a)

(b)

Figure 6.10: Left: Shock temperatures for the four source radii compared with various χ∞ values. The smaller source radii tend to provide smaller shock temperatures
when comparing the same χ∞ values. Right: XADM predicted X-ray luminosity for
the four source radii with different χ∞ values. The cyan line represents a constant
V∞ =1500, 2000, and 2500 km s−1 .

This new model starts from the relations that do not explicitly use dipole equations
from the ADM model in §3.1. The extent of the shock retreat, as well as the velocity,
density and temperature at the shock for individual field loops, are numerically obtained
using the field extrapolation described in §6.1. The shock parameters are then used to
calculate the temperature, velocity and density variation along the field lines in the hot
post-shock region.
The field extrapolation provides the Cartesian components of position (x, y, z),
the magnetic field strength (Bx , By , Bz ) and the arc length (s) of each point along an
individual loop. The position and the magnetic field strength are scaled to the stellar
surface values (R∗ , B∗ ). Using these values, the mass flux along each loop is calculated
for arbitrary loop geometry. The mass flux from Equation 3.2 can be applied to an
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arbitrary loop by
Bx x + By y + Bz
√
ṁb = µB = r̂ · ŝ = √
,
Bx2 + By2 + Bz2 x2 + y 2 + z 2

(6.12)

where µB = cos θB with θB being the angle between r̂ and ŝ and

r̂ =

B
xx̂ + y ŷ + z ẑ
r
=
=√
;
|r|
|B|
x2 + y 2 + z 2

Bx x̂ + By ŷ + Bz ẑ
ŝ = √ 2
Bx + By2 + Bz2

(6.13)

and x̂, ŷ, and ẑ are the Cartesian unit vectors.
For the upflow region of the ADM, the velocity is assumed to be a beta-law
v = v∞ (1 − R∗ /r)β with β = 1. Since τ Sco is a slow rotator, the centrifugal acceleration does not play a significant role in changing the shock retreat. The wind
upflow density (Equation 3.3) is the same as discussed in the generalized ADM model.
The upflow temperature is assumed to be the stellar effective temperature.
The shock region for the arbitrary field loop is determined using Equation 3.9,
with

B
B∗

=

A∗
A

to adjust the equation to the known parameters of the field extrapolation.

Integrating from the shock radius (rs ) to the maximum radius (rm ), with the temperature at the shock radius T (rs ) = Ts and the temperature at the loop apex2 T (rm ) = 0,
gives the resulting equation:
( )2 ∫ rm
B∗
3 ṁb Bs
1=
R∗
ds,
4
χ∞ ws B∗
B
rs

(6.14)

with all of the parameters the same as described in Chapter 3.
The shock radius is determined by testing each position along the field loop as the
shock radius by integrating the right hand side of Equation 6.14 until the equation is
satisfied. The radius at which this function is equal to 1 is set to be the shock radius
for that loop. The shock radius is used to find the shock velocity (ws = 1 − R∗ /rs ) and
2

T (rm ) is technically equal to the effective temperature, however, when compared to a shock temperature of Ts ≈ 107 , T (rm ) = 0 is a reasonable approximation.
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Figure 6.11: A comparison of the dipolar ADM shock retreat (blue) and the A-ADM
shock retreat for an arbitrary loop geometry (green); the A-ADM calculation recovers
the dipolar case.

the corresponding shock temperature (Ts = T∞ ws2 ). For an arbitrary field loop, we need
to chose the apex of the field loop. This is simple for a dipolar field loop because they
are symmetric. However, since the arbitrary field loop is not necessarily symmetric, the
largest radius value is set to be rm , and the calculation or rs needs to be performed for
each side of the field loop independently.
To ensure self-consistency, we tested our numerical algorithm with dipolar field
loops to compare the shock radii calculated with the ADM model to that of the “ArbitraryADM” (A-ADM) for various values of χ∞ . The results are shown in Figure 6.11 to be
an accurate match.
After determining the extent of the shock retreat and the immediate post-shock
temperature, the temperature variation is calculated for an arbitrary field loop as the
material cools radiatively. The generalized equation for the post-shock temperature
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(Tpost ) from Chapter 3 is
(
Tpost (r) = Ts

( )2 ∫ rm
)1/3
B∗
3 ṁb Bs
1−
R∗
ds
.
χ∞ ws4 B∗
B
rs

(6.15)

The adapted generalized equations and methods are then applied to the extrapolated
arbitrary field lines, and the results will be discussed in detail in the following sections.

6.5

A-ADM Results

I applied my A-ADM calculation (§ 6.4) to randomly distributed loops with footpoints
at the surface. Figure 6.12 shows the individual field loops in the grey curved lines, with
the color scale representing the initial shock temperature (Ts = T∞ ws2 ) and depicting
the extent of the shock region.
Comparing the shock temperatures to the observations from the Chandra HETG
spectrum from Figure 4.9, we see that the 2 R∗ source radius would produce temperatures that are too low to reproduce the spectral features, also suggesting the need for
larger source radii. Unlike the dipolar case discussed above, the larger loops provide
a higher velocity at the shock radius, giving larger shock temperatures that are more
comparable to those found in the spectrum model.
Looking at one of the largest field loops in the 5 R∗ source radius case, we compare
the geometry to a similar dipole field loop. The dipolar field loop can be extrapolated in
two ways: using the distance between the arbitrary field loop footpoints and extrapolating outwards, or using the arbitrary field loop apex and extrapolating inwards. These
loops are shown to display the difference in the geometry of the loop from two different
viewpoints in Figure 6.13. We see that this particular τ Sco field loop is more oblong
and warped than the dipolar field loops.
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Figure 6.12: Plots of the field configuration for the four source radii: Rsource =2
R∗ (upper left),Rsource =3 R∗ (upper right), Rsource = R∗ (lower left), Rsource =5 R∗
(lower right). The colored region shows the extent of the post shock region and the
shock retreat. The color scheme shows the immediate post-shock temperature for the
specified field loop.

In Figure 6.14, we compare the shock radius and shock temperature (with the
color scale) of these three loops. Both dipolar loops have a larger shock retreat effect,
with the shock front located at much lower radii, producing lower shock temperatures
than that of the τ Sco loop. A table with the comparison of the shock temperatures
for a few of the largest field loops from each source radius and corresponding dipole
field loops are compiled in Table 6.1. The shock temperatures for the similar dipole
field loops are much lower than those from the corresponding τ Sco field loop for all the
source radii.
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Figure 6.13: Comparing the largest loop in the Rsource =5 R∗ topology for τ Sco
(grey) to a dipole with the same distance between footpoints (blue) and also with the
same maximum loop radius (green). The plots show the same field loop from different
view points.

Figure 6.14: Comparing the largest loop in the Rsource =5 R∗ topology to a dipole
with the same distance between footpoints and also with the same maximum loop
radius. The plots show the same field loop from different view points.

In Figure 6.15, I compare the immediate shock temperature for dipole field loop
with RA =4 R∗ (left panel) and a distorted dipole for Rsource =4 R∗ (middle) and 3 R∗
(right). Here, we see that merely distorting the magnetic field lines does not drastically
change the post-shock temperature along of the field lines. Therefore, another mechanism must be causing the large increase in immediate post-shock temperatures in τ Sco.
With the f/i ratio (§6.2), we conclude that shocked material is located at a radius
of ∼2.65 R∗ , and we need shock-heated plasma near that radius. Therefore, we turn
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Table 6.1: A comparison of the shock temperatures for the A-ADM, a dipole with
matching distance between footpoints and one with matching the maximum radius
for the largest 3 loops in each source radius.

Source
5 R∗

4 R∗

3 R∗

2 R∗

Shock Temperature (MK)
A-ADM Dipole (footpoints) Dipole(rm )
21.9
2.27
7.55
20.5
2.70
7.44
21.1
2.27
7.15
18.3
4.93
6.72
18.3
6.9
6.60
17.7
4.35
6.26
19.5
1.96
5.96
18.9
1.91
5.79
17.9
1.95
5.48
17.6
5.3
5.449
12.2
0.877
3.77
13.6
1.83
3.60
13.2
5.27
3.60
11.9
0.810
3.34
11.7
1.23
3.18
8.53
0.605
2.19
7.01
0.591
2.16
7.78
0.5995
2.10
7.04
1.01
2.05
7.09
0.650
1.86

our attention to whether the hot temperatures persist to higher radii by calculating the
temperature variation along the field loop (see Figure 6.16). The temperature decreases
towards the effective temperature of the star near the loop apex. Temperatures less than
∼1 MK would not result in the significant production of X-rays in the Chandra bandpass (justified in §6.6) and are shown with a white color near the loop apex. Therefore
the larger source radii could provide shocks nearer to the f/i determined radius than
the 2 R∗ source radius.
The X-ray flux observed from a magnetosphere depends not only on the temperature of the shock and subsequent radiative cooling, but also on the density of the
material. From radiative transfer in the case of pure emission, the change in intensity
along a ray is dIλ = jλ ρds, where jλ = Λm (T )ρ for a collisional excitation process. If
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Figure 6.15: The immediate post-shock temperatures for a dipole loop with an
RA =4 R∗ and a distorted dipole with a Rsource =4 R∗ (middle) and 3 R∗ (right).

Λm (T ) is larger, we have more X-ray flux. If ρ is larger, we also have more X-ray flux.
Furthermore, if ρ, becomes too large, then the coronal approximation for the emission
breaks down (e.g. if the collision timescale is larger than the photon decay timescale).
I will discuss the absorption by the other ADM components (upflow/downflow) that we
consider in the following section. We therefore calculate the density variation along a
given field line using the A-ADM model. Figure 6.17 shows that the material becomes
denser as it moves to high radii. Here each panel is scaled to the ρw∗ , which is different
for each source radius, therefore the absolute value of ρ will be larger for the 5 R∗ source
radius. The density and temperatures will be used in the following section to look at
the X-ray luminosity.
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Figure 6.16: Plots of the field configuration for the four source radii: Rsource =2
R∗ (upper left), Rsource =3 R∗ (upper right), Rsource =4 R∗ (lower left), Rsource =5 R∗
(lower right). The color scheme shows the temperature variation in the post-shock
region for the specified field loop.

6.6

X-ray Emission

In order to take into account the complexity of τ Sco’s field and its effect on the X-ray
emission, we look at the emissivity along the field line. To do this we use the radiative
transfer equation for the intensity along the line of sight dIλ = κλ ρIλ ds + jλ ρds, where
κλ is the absorption coefficient and jλ is the emission coefficient. Here, κλ Iλ ρds is the
radiation removed through absorption or scattering and jλ ρds is the amount of radiation that is added through emission or scattering. For τ Sco, only the emission of X-ray
photons is accounted for as the X-ray producing material is typically optically thin to
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Figure 6.17: Plots of the field configuration for the four source radii: Rsource =2
R∗ (upper left) ,Rsource =3 R∗ (upper right), Rsource =4 R∗ (lower left), Rsource =5 R∗
(lower right). The color scheme depicts the density variation of the post-shock region
along the field lines. The plot shows lower densities at higher radii.

reabsorbing the X-ray photons. We will later on consider the absorption by the cool
material in the upflow and downflow ADM component (§3.1).
To do this, I calculate the photon energy dependent emissivity (ηx (Eγ , ρ, T ) = jλ ρ),
the amount of emission per unit length, for all positions along a field loop. Thus emissivity depends on density and the cooling function Λm (Eγ , T ), a function of photon
energy and plasma temperature. ηx is related to the cooling function Λ(E, T ), discussed
in Chapter 3, by jλ = ρΛm (Eγ , T ). Therefore, we get ηx (Eγ , ρ, T ) = ρ2 Λm (Eγ , T ). We
already know the density and temperature along the post-shock region of the field loops,
but we need to calculate Λm (Eγ , T ).
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Figure 6.18: A comparison of the Λm (Eγ > Ex , T ) with the temperature range
needed for our A-ADM temperatures. The grid provided by Dr. Chris Russell above
a photon energy of Ex = 0.5keV is shown in the grey dots. The data is interpolated
to provide a larger grid of temperature values to compare with those calculated in the
A=ADM model.

To find the Λm (Eγ , T ), we use a grid of photon flux (Fγ ) spectra (provided by
Dr. Chris Russell), from a set of apec models calculated using xspec with a normalization factor of 1. This grid has a range of photon energy values between 0.1 keV and
98.8 keV, and a range of plasma temperature between 1 × 10+5 K and 7.1 × 10+8 K. The
∫
photon flux is related to the cooling function by Λ(Eγ , T ) = Fγ Eγ 4πd2 / ne np dV and
−14 ∫
the normalization parameter, as discussed in Chapter 4. Using norm= 10
ne np dV
4πd2
and setting norm=1 gives

∫

ne np dV
4πd2

= 10−14 . Therefore, Λ(Eγ , T ) = 1014 cm−5 Eγ Fγ . I

numerically integrate over photon energy from a minimum threshold energy (Ex = 0.5
keV) to get only the cooling function (Λ(Eγ > Ex = 0.5 keV)) in the Chandra bandpass.
Finally, Λm (Eγ , T ) = Λ(Eγ , T )µe µp , discussed in Chapter 3. We use µe = 2mp (1 + X)
and µp = Xmp , where X is the Hydrogen mass fraction assumed to be 0.72 for standard
solar Hydrogen abundance, and mp is the mass of a proton.
Figure 6.18 shows Λm (Eγ > Ex , T ) for the range of temperature values we are
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Figure 6.19: The emission measure (ηx ) along the field lines of τ Sco. The material
becomes more dense as it moves to higher radii increasing the ηx .

interested in. I interpolate the array of Λm (Eγ > Ex , T ) in order to find the cooling
function for each temperature along the field line (blue line). Here, we see that temperatures less than 106 K do not contribute to emission at energy greater than 0.5 keV.
I show the resulting ηx along the individual field lines in the four different source
radii in Figure 6.19. The material gets denser as it moves to higher radii, giving larger
ηx , despite the temperature and subsequent Λm decreasing. The ηx is now used to calculate the predicted X-ray luminosity for τ Sco.
In order to make this calculation, the post-shock parameters need to be known at
every point within a predetermined dense spatial grid, corresponding to the observer’s
view of the star. Once the density, temperature and corresponding emission measure
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are known at all the grid points, we integrate the emissivity over the line of sight and
then integrate over the projected sky area to get the X-ray flux (Fx ). We can then
use Lx = Fx 4πd2 to get the total X-ray luminosity, where d is the distance to the star.
This calculation requires a very fast computing language. Therefore, we use a parallel
Fortran code provide by Dr. Rich Townsend and modified by Dr. Véronique Petit to
calculate the X-ray emission from an arbitrary field configuration. This X-ray luminosity is only what the observers sees at a specific rotational phase with some of the X-ray
flux being occulted by the stellar disk at every phase. Therefore, this is not exactly
the full volume X-ray luminosity calculated by the XADM and results in lower X-ray
luminosity values. On the other hand, such calculations let us explore X-ray variation
over rotational phase
X-ray producing material is typically optically thin to reabsorbing the X-ray photons. However, there is the possibility of absorption by the relatively cool dense gas
from the upflow and downflow components of the ADM. We address the possibility of
absorption in Figure 6.20, where we see the optical depth divided by the opacity (τλ /κλ )
denoted by the color scheme. Figure 6.21 shows that the typical opacity (κλ ) for wind
material at X-ray wavelengths in general would be <100 cm2 g−1 (Leutenegger et al.,
2010). Thus the max τ in Figure 6.20 would be τλ ∼0.45, and therefore only a fraction
of the X-rays would be absorbed. We can assume the reabsorption of the X-rays by the
material at the loop apex is mostly negligible, since Figure 6.20 shows a significantly
lower value of τλ /κλ on average.
However, we do see some small variation in the X-ray flux in Figure 6.22, which in
this instance is a good proxy for the X-ray luminosity. Figure 6.22 shows the percentage
of the X-ray flux variation from the zero point of κλ = 0. This is compared to the phases
observed in Ignace et al. (2010) by the grey vertical lines. For the 2 R∗ source radius,
the percentage of variation is much higher, confirming the idea that the closed field
loops close to the stellar surface would be occulted by the star. The larger source radius
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Figure 6.20: Two views of the optical depth τλ of τ Sco due to the magnetic confinement of the material.

Figure 6.21: The values for κλ of two O-type stars compared to the wavelengths in
Å of the X-ray bandpass from Leutenegger et al. (2010).

decrease the amount of flux variation to ∼10%, which produces a negligible variation in
the X-ray luminosity as seen in Figure 6.23.
The X-ray luminosity for V∞ =1500, 2500 km s−1 , bracketing the V∞ ∼2000 km
s−1 I use with the A-ADM calculations above, were calculated for a 2 R∗ and 4 R∗
source radius. I compare the predicted phase dependent X-ray luminosity (points) to
NA14 observed values (red line) and the predicted XADM model values for a dipole
with the original NA14 parameters (cyan line) in Figure 6.23. The X-ray luminosity
predicted from the arbitrary field loops is an order of magnitude or more higher than
that predicted by the XADM dipolar case, agreeing with our thought that assuming
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Figure 6.22: Percentage of flux variation from the zero point of κ = 0 for a 2 R∗
source radius and V∞ =1500 km s−1 (top left), a 2 R∗ source radius and V∞ =2500 km
s−1 (top right), a 4 R∗ source radius and V∞ =1500 km s−1 (bottom left) and a 4 R∗
source radius and V∞ =2500 km s−1 (bottom right). The zero point of the variation
is the predicted X-ray luminosity from the A-ADM model is shown in the blue and
green dots. The dashed vertical lines correspond to the phases used in Ignace et al.
(2010).
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Figure 6.23: X-ray luminosity for a 2 R∗ source radius and V∞ =1500 km s−1 (top
left), a 2 R∗ source radius and V∞ =2500 km s−1 (top right), a 4 R∗ source radius
and V∞ =1500 km s−1 (bottom left) and a 4 R∗ source radius and V∞ =2500 km s−1
(bottom right). The predicted X-ray luminosity from the A-ADM model is shown
in the blue and green dots. NA14 observed X-ray luminosity is the red line and the
NA14 XADM predicted X-ray is in blue. As we expected, taking into account the
arbitrary geometry for τ Scosignificantly increases the predicted X-ray luminosity.

the complex field to be a dipolar field would decrease the predicted X-ray luminosity.
However, this X-ray luminosity is still much larger than that observed.
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6.7

Summary

In this chapter, we looked at the complex field in τ Sco by extrapolating the field
loops from the surface field topology maps. Since previous studies (Ignace et al., 2010;
Cohen et al., 2003) proposed larger source radii than originally used by Donati et al.
(2006b), we expanded our models to larger source radii and determined that the RA =2
R∗ value for a dipolar field loop would provide a predicted X-ray luminosity comparable
to that observed from NA14. However, the shock temperatures are not high enough to
reproduce the HETG spectral features discussed in Chapter 4. Therefore, we proposed
that taking the complexity of the magnetic field loops in to account is necessary to
correctly predict X-ray luminosities.
I adapted the XADM/ADM model to be used for an arbitrary magnetic field
configuration and applied this to the field loops of τ Sco. Using the new A-ADM model
we determined the shock temperature, post-shock temperature and density variation.
The shock velocities for the larger source radii produced high enough temperatures
comparable to those found in the HETG spectrum. The larger source radii and high
shock radii also addressed the lack of variation in the X-ray luminosity observed by
Ignace et al. (2010), since the X-rays would not be occulted by the stellar surface. The
high temperatures extended to larger radii as observed with the temperature variation
in the post-shock region. Therefore, for source radii larger that 2 R∗ the location of the
shocked plasma is more congruent with that found in the f/i ratio discussed in §6.2.
The post-shock temperature variation was used to calculate the cooling function
along the field lines. This combined with the density variation allowed for us to calculate
the emission measure along the field loops. From this, we found that the density is high
enough to have X-ray emission at such large radii, seen in the larger source radii. We
next used a more computationally efficient code to determine the X-ray luminosity
taking into account the complex field loops. As expected the complex field geometry
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increased the predicted X-ray luminosity compared to the dipolar XADM calculation.
Therefore, a larger source radii than 2 R∗ combined with the complex field geometry of
τ Sco needs to be taken into account when determining the predicted X-ray luminosity
and the dynamics of the stellar wind material as it moves along the magnetic field
line. The models discussed in this chapter would be useful to apply to other stars with
complex field geometry.
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Chapter 7
Conclusions
With the ever increasings detections of strong, stable magnetic fields in OB-type stars,
it is important to have well developed yet computationally simple models to understand
the underlying physics of these stars’ magnetospheres. The XADM and ADM models
were devised to provide an analytical approach to the time averaged results of the computationally expensive MHD and HD simulations. However, these models need to be
tested with observations.
The X-ray waveband is particularly useful to examine the interaction of the magnetic field with the stellar wind. Therefore, NA14 used the XADM model to determine
the predicted X-ray luminosity and compared it to modern X-ray observations, presented
in the XADM diagram. However, these models used many assumptions that needed to
be addressed and could lead to discrepancies between the observed and predicted X-ray
luminosities. These assumptions were:

• dipolar magnetic field loops
• spherical shock retreat
• 10% scaling efficiency
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• slow rotation (i.e. no centrifugal physics)
• isobaric post-shock material with no gravity

7.1

Rapid Rotators

In this dissertation I addressed these assumptions by first using improved stellar and
magnetic parameters provided by my collaborator Dr. Matt Shultz. Implementing these
parameters reduces the scatter when using the Vink mass-loss prescription. However,
the Krtic̆ka mass-loss recipe shows even more scatter in the XADM diagram.
With the improvement of the stellar and magnetic field parameters aiding but not
fully resolving the discrepancies, I turned to the assumptions in the models. First, I
implement a dipolar shock retreat accounting for the wind being channeled along the
field line. As expected by ud-Doula et al. (2014), the dipolar shock retreat did not
adjust the predicted X-ray luminosity significantly.
Next I developed and implemented an efficiency scaling that takes into account
a ratio of the area of the CM and DM of the rapid rotators. Since the efficiency for
a rapid rotator is not constrained, I used various CM efficiencies to compare how the
X-ray luminosities would change. However, introducing an appropriate efficiency scaling
does not address the discrepancies between the predictions and observations.
Finally, I derived a velocity law that includes the centrifugal acceleration. I used
this velocity to update the pre-shock wind velocity in the ADM model and determined
how this affects the shock retreat. The shock retreat for most of the stars was very large
and not within the CM range. Thus the shock velocity did not change drastically when
adding the centrifugal acceleration to the wind upflow velocity. The shock front needs
to be past the Kepler co-rotation radius in order for there to be a significant difference.
The post-shock generalized temperature equation that is used to determine the
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shock retreat does not explicitly solve the momentum conservation but rather makes an
isobaric assumption, neglecting the force due to gravity. Therefore, it is not possible
to directly add the centrifugal physics without developing a new post-shock model that
explicitly solves the momentum equation. As a first order approximation to introducing the centrifugal physics into the ADM model, I calculated how the new velocity law
would affect the predicted X-ray luminosity while retaining the isobaric assumption.
This modification provided less scatter in the XADM diagram, suggesting that a full
incorporation of the centrifugal acceleration into the XADM/ADM model would be a
valuable extension.

7.2

τ Sco

Next, I examined τ Sco, a slow rotator with a complex magnetic field (Chapter 6). I
first compared the shock temperatures and X-ray luminosities by using the RA values of
2R∗ , 3R∗ , 4R∗ and 5R∗ in the XADM model. This showed that the choice of mass-loss
rates, terminal velocity and the resulting cooling parameter plays a significant role in
the extent of the shock retreat. The comparison of the X-ray luminosities for these RA
values leads to the understanding that the complexity of the field loop needs to be taken
into consideration.
In order to delve into the magnetic field geometry of τ Sco, I used a field extrapolation provided by our collaborator Dr. Rich Townsend. I then adapted the ADM
model to an arbitrary field loop and applied this model to the individual field lines to
obtain the shock temperature. The shock temperature along the largest field lines for
the 4 source radii were compared to dipolar field lines. The shock temperatures from
τ Sco field lines were found to be much larger than those for the dipole loops. However,
I determined that merely squishing the dipolar field loops with a source radius does
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not increase the shock temperatures as drastically as needed. I then used the A-ADM
model to determine that the large temperatures continued to higher radii. These large
temperatures are more comparable to those needed to reproduce the high resolution
grating spectrum, shown in Chapter 4.
In order to address whether these large temperatures would cause a higher predicted X-ray luminosity, I calculated the emissivity, which depends on the density of
the material as well as the temperature and photon energy range. Taking the volume
integral of the emissivity gives the X-ray luminosity, which was compared over the phase
of the star with that predicted by the XADM model and that observed from Chandra.
The predicted X-ray luminosity using the arbitrary field loop gives a larger X-ray luminosity than that predicted from the dipolar field loops. This reinforces the suggestion
that the arbitrary field loops need to be taken into account when determining the X-ray
luminosity.

7.3

Broader Impacts and Future Work

With various new spectropolarimeters having come online recently (SPIRou at CFHT,
HARPSpol at ESO), it is predicted that the number of magnetic fields in OB-type stars
will continue to increase. Therefore, it is vital that we have well developed models to
compare and predict how the magnetosphere will affect key observational diagnostics.
The work presented in this dissertation can be extended in a few ways:

• include the gravitational and centrifugal acceleration term in the ADM post-shock
equations to obtain a full view of the effect of rapid rotation on the magnetosphere
• adapt the ACM to be applied to tilted dipole configurations, since most stars do
not contain field-aligned dipoles
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• apply the A-ADM model to other complex field configurations for further analysis

Finally, the stellar wind, rotation and magnetic field parameters play a large role
in the evolution of massive stars. Therefore, it is vital to have detailed models of the
physics occurring within stellar atmospheres and magnetospheres. Using these models
in combination with evolutionary models that have been adapted to magnetic massive
stars would allow us to determine how the diagnostics of these stars will evolve with
age. From this, we could determine the mechanisms for the deaths of these massive
stars and aid in the understanding of progenitors of black holes and neutron stars.
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Appendix A
XADM Diagram Input Parameters
In this chapter, I present the input parameters for the XADM Diagrams in Chapter 5.
Figure A.1 shows the magnetic field, stellar radius, mass-loss rate, terminal velocity,
Alfvén radius and Kepler corotation radius for the B-type stars in the original XADM
diagram with the new XMM-Newton observations (Figure 5.1). The parameters that
are updated from Shultz et al. in prep and Shultz et al. (2018) using the Vink mass
loss prescription is presented in Figure A.2. The input parameters using the Krtic̆ka
prescription are shown in Figure A.3
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Figure A.1: The input parameters of the magnetic field, stellar radius, mass-loss
rate, terminal velocity, Alfvén radius and Kepler corotation radius for the B-type stars
in the original XADM diagram with the new XMM-Newton observations in Figure 5.1.
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Figure A.2: The Vink updated input parameters of the magnetic field, stellar radius,
mass-loss rate, terminal velocity, Alfvén radius and Kepler corotation radius for the
B-type stars in the original XADM diagram with the new XMM-Newton observations.
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Figure A.3: The Krtic̆ka updated input parameters with the new of the magnetic
field, stellar radius, mass-loss rate, terminal velocity, Alfvén radius and Kepler corotation radius for the B-type stars in the original XADM diagram with the new XMMNewton observations.
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